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ABSTRACT 
An echelle grating system has been installed in the coude spectro-
graph of the Mt Stromlo 74" reflector. The system is used with a 
Carnegie RCA 33011 image intensifier, and yields spectra of -1 R;mm 
reciprocal dispersion with the 32" f.l. camera, and -2 R;mm with the 
same camera and an aplanatic sphere. A two hour exposure time limit 
is set by the image tube background; in that time~ mm wide spectra 
of stars of 6~0 and 8~0 can be obtained at the two respective dis-
persions. 
This equipment has been used to pursue three studies of heavy 
element synthesis in ,the galaxy. First, a short survey of the rela-
tive abundances of r-, s-, and e-process elements is reported. Three 
nearby lines of Eu (r-process), Ba (s-process), and Fe (e-process) are 
compared in some 35 stars with as wide a range of ages, galactic 
orbits, and compositions as possible. No completely convincing rela-
tive abundance variations are found (among dwarf stars at least), to 
a limit of !25%, although a slight enhancement of Eu in certain halo 
stars may be indicated. 
Second, the evolution of s-process abundances is discussed. The 
importance of the behavior of Pb is emphasized, and observations are 
presented to demonstrate its lack of relative evolution with respect 
to others-process elements. It is suggested that these observations 
imply a completely specified neutron exposure distribution for the s-
process, and that any deviations from this distribution should be 
manifest even after further processing. Finally, s-process abundances 
near the A - 140 closed neutron shell in HD122563 are considered, to 
test whether the peculiar heavy element abundances in this star are 
consistent with the nuclear theory of the s-process. The s-process 
contribution to La does in fact seem to be somewhat over-deficient com-
pared to Ba in HD122563, in agreement with the theory. 
Third, branching points in the solar systems-process build-up 
path are analyzed. No clear picture of the physical situation of this 
s-process appears possible at present. Observations are presented 
. h < 93 . . d . showing tat Tn TS at Zr in three BaII-type peculiar re giant 
stars. Unfortunately, whether the solar system and red giants-
processes are similar, or take place under different conditions, 
cannot be decided until better nuclear data are available for the 
solar system analysis. 
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INTRODUCTION 
The view that stars may be the site of synthesis of the chem-
ical elements grew up in the early 1950's, following unsuccessful 
attempts to explain element production in a primordial event at the 
beginning of time. The latter theories met with great difficulties in 
producing elements heavier than the mass gaps at masses five and eight, 
and in providing for the variety of physical situations necessary to 
give the observed nuclidic abundances (see Alpher and Herman 1953, for 
a review of these theories). On the other hand, in stars can be found 
all the variety and complexity which seems to be required, as well as 
natural processes for distributing any newly transmuted elements back 
into the universe at large. The details of this picture of stellar 
synthesis are given in the classic paper of Burbidge, Burbidge, Fowler 
and Hoyle (1957). In the decade and a half since the work of these 
authors, the theory has enjoyed a very wide popularity, and there have 
been only minor revisions of their basic ideas. There are, of course, 
some authors who would claim that the nuclear processes involved are 
not at all so well understood as supposed (e.g. Suess 1968), and good 
reasons have been advanced for modifying some of the processes (see 
especially Arnett 1973, for a discussion of explosive synthesis of the 
light elements). But it has been only the removal of the production 
site of helium, from stars to the primordial creation event (by 
Peebles 1966, and Wagoner, Fowler and Hoyle 1967), that represents any 
significant departure from the original concepts of stellar nucleo-
synthesis. 
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That stars do in fact transmute elements cannot be open to 
doubt, as evidenced especially by Merrill's (1952, 1956) detection of 
the short-lived, radioactive element, technitium,in certain stellar 
atmospheres. In addition, the observation of very anomalous heavy 
element abundances in C-, s-, and BaII-type stars receives ready 
explanation in their having been synthesized in the stars' interiors, 
and then mixed to the visible surfaces(see Warner 1968a for a summary 
of the properties of these stars and their implications for nucleo-
synthesis). And, of course, the entire theory of stellar evolution, 
with its admirable successes in explaining observations of stellar 
brightnesses and temperatures in star clusters, is based on energy 
production by transmuting light elements into heavier ones. 
That element synthesis is also a continuing phenomenon in the 
galaxy is attested to not only by the presence of technitium in stars, 
but as well by the existence in the solar system of other radioactive 
elements, and the products of their decay. In particular, the pres-
ence of uranium and thorium, and their relative and isotopic composi-
tions, argues for synthesis some 1010 years ago; whereas the detec-
244 
tion of the fission products of Pu in meteorites (by Alexander et al. 
1971, and Hoffman et al. 1971) indicates that some synthesis of 
plutonium must have occurred within 108 years or so of our solar system's 
9 formation, about 4.6 x 10 years ago. 
It has, indeed, long been supposed that the relative abundances 
of these different lived radioactive nuclides will eventually yield the 
detailed history of their synthesis. By combining information from all 
the available decay schemes, one might hope to be able to derive a 
consistent picture for the time evolution of synthesis. In a very 
illuminating paper, however, Schramm and Wasserburg (1970) have 
emphasized just how critically any such deduced history depends on 
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the basic model applied. That is, the available decays are not 
sufficient to specify completely the history, and the broad, general 
features of synthesis must come from other observations. 
It has been usual to discuss a model that is heavily influ-
enced by observations of heavy element abundances in stellar atmos-
pheres. This model is derived with the assumption that, at least for 
dwarf stars, the compositions of the visible atmospheres of stars are 
uncontaminated by the products of interior nuclear reactions, and as a 
result represent the composition of the interstellar gas from which 
the stars were formed. Then by sampling stars of different ages, one 
can infer how the chemical composition of the gas in the galaxy has 
changed with time. Such observations do not directly give the history 
of the material in our own solar system, but are supposed to be indica-
tive of how synthesis occurred generally. 
Observations of heavy element abundances have now been made 
for a large number of stars, both by detailed spectroscopic and by 
coarser photometric methods. The picture which has emerged presents 
the oldest stars, thought to have formed during the collapse phase of 
the galaxy and now part of the galactic halo (Eggen, Lynden-Bell and 
Sandage 1962), as having very low heavy element abundances, with pro-
gressively younger stars containing progressively greater amounts of 
metals. The build-up of the elements, on this picture, was apparently 
non-linear with time, nearly all of the elements having been formed 
in a period of several times 108 years during and after the galaxy's 
formation (Eggen and Sandage 1969). 
Such a picture for the history of nucleosynthesis leads to 
excellent agreement between the age of the elements, as found from the 
radioactive chronologies, and the ages of the oldest, halo stars, as 
found from the theoretical considerations of stellar evolution theory 
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(Sandage 1970). Thus most workers have accepted the picture as being 
wholly satisfactory . 
The model has, however, been criticized by several authors. 
In particular, Unsold (1969); Bashkin (1965), and others have 
suggested that the following evidence argues strongly against the 
picture. Namely, 
(1) The detailed relative distribution of the elements seems to be 
remarkably constant (to within . the experimental errors of a factor of 
two) in dwarf stars of all metal abundance levels, from very metal-
poor halo stars to the most metal-rich stars of the galactic disk. 
It would, it is argued, seem extremely doubtful that the combined 
effect of all the nuclear processes deemed necessary to explain solar 
system abundances, could have been so as always to reproduce identic-
ally the observed abundance curve. Furthermore, the relative abundance 
variations that have been observed (e.g. the a-rich stars of Waller-
stein 1962, his Mn- and V-deficient stars, and the variation of 
(Ba/Fe) in certain halo stars) may quite easily be due to some 
phenomena other than nuclear evolution. Indeed, the overdeficiency of 
barium in HD 122563 (Wallerstein et al. 1963; Pagel 1965, and Wolffrarn 
1972) and certain other halo stars (Helfer et al . 1959; Rodgers and 
Bell 1963) is probably the only observed relative variation that might 
readily fit into a picture of nuclear evolution. 
(2) External galaxies have integrated spectra suggesting that their 
maximum heavy element abundances are very nearly the same as in stars 
near the sun. If this is so, and as the theory of stellar nucleo-
synthesis postulates a close connection between stellar evolution and 
synthesis, then how can it be that almost all types of galaxies, from 
dwarf irregulars to giant ellipticals, have produced nearly the same 
maximum level of abundances? 
5 
(3) It is not entirely clear that it is dynamically possible for 
element production in the collapse phase of galaxy formation to have 
resulted in both the observed flat gradient of abundances in the 
galactic disk, and the steep gradient of the halo. (This point has 
also been argued by Eggen, Freeman and Rodgers 1973.) 
(4) Finally, of course, perhaps the most curious observation has 
been the total absence of any pure hydrogen plus helium stars. How 
was it that no low-mass, long-lived stars were able to form until 
after element production had begun? This objection to the theory 
approaches the original objections to primordial synthesis; that is, 
one must still relegate the first generation of heavy element produc-
tion to some unseen and merely postulated physical situation. 
These arguments would seem to present serious problems for the 
usual model of the history of stellar nucleosynthesis, although, of 
course, perhaps not insurmountable ones. It is both a strength and a 
weakness of the stellar theory of synthesis that it can "explain" 
nearly any observation, but that it makes very few definite predic-
tions which might be tested through observation. It has been usual 
to assume, because of the timescale agreements mentioned above and 
because no satisfactory alternative picture is available, that the 
stellar synthesis idea is correct, and that any apparent difficulties 
are indications instead of ignorance in the related fields of stellar 
evolution, star formation, and galactic dynamics. Thus a number of 
authors (e.g. Searle 1972, and Talbot and Arnett 1973) have discussed 
models for star formation using the observed distribution of heavy 
element abundances in stars of various ages as input data. It may be 
that such investigations are premature, but because there are so many 
unknown factors in the problem, it has been, and will remain, a diffi-
cult matter to demonstrate just what situation prevails. 
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It is the aim of the present dissertation to provide evidence 
relating to this question. While no definitive answer is forthcoming, 
it is hoped that future refinements of the techniques used here may 
force some resolution to the matter. 
The writer has chosen to consider in detail several aspects 
of the abundances of the heaviest elements, those thought to have been 
built up from iron by successive neutron captures. These elements are 
chosen for a number of reasons, the principal being that their 
synthesis seems to be the best understood from a nuclear point of view, 
and that they also must certainly represent prime examples of non-
equilibrium synthesis. This last, in particular, is required for any 
discussion, such as to be presented here, of possible evolutionary 
effects in elemental abundances. 
The dissertation is organized into chapters based on these 
several aspects. First, however, in Chapter II, the instrumentation 
developed for the study of weak lines in stellar spectra is described. 
This equipment represents a considerable advance in efficiency, and 
consequently in limiting magnitude, over existing equipment, and the 
studies presented here try to make the most effective use of its 
advantages. 
In Chapter III, an attempt is presented to verify one of the 
fundamental predictions of the theory of stellar synthesis, namely 
that at some level there must exist abundance variations for elements 
formed by different, independent nuclear processes. This is done by 
determining, as a function of absolute abundance level, the relative 
abundances of the s-process element barium, and the r-process element 
europium (where the s- and r-processes are the synthesis processes of 
Burbidge et al. 1957, in which neutrons are captured on timescales 
either slower (s), or more rapid (r), than the beta-decay time). 
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No completely convincing variations are found, to an accuracy of about 
25 per cent, although one possible effect is discussed. 
In Chapter IV, the question of the evolution of s-process 
abundances is examined. Observations of lead in a number of stars are 
presented , and the resulting implications for synthesis in successive 
generations of s-process events are considered. These observations 
must be considered as preliminary, and further development of the 
instrumentation will be necessary before definitive lead abundances 
can be obtained. 
Finally, in Chapter V, the physical conditions of the s-process 
are compared, by means of branching point considerations, in the solar 
system and in three peculiar red giant stars. The idea here is to 
determine whether the s-process that resulted in the observed solar 
system abundances could in fact have occurred in red giants. 
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CHAPTER II 
INSTRUMENTATION 
2.1 INTRODUCTION 
Having chosen to consider the abundances of the heaviest ele-
ments, one requires the capability of measuring weak spectral lines, 
often in crowded regions, in relatively faint stars. The lines of 
interest, of the rare earths for example, are mostly visible in solar 
type stars, and have equivalent widths less than 0.1 R or so. The 
typical line widths in these stars are such as to require a spectral 
resolution on the order of O.l ~, to avoid crowding and blending 
effects. One does not require, however, the capability of examining 
long lengths of spectrum, since for many of the elements to be consid-
ered, there are available only a very few suitable lines. Further, to 
derive abundances in a sufficient variety of stars, especially if one's 
attention is restricted, for theoretical reasons, to dwarf stars of 
near-solar temperatures, it is necessary to obtain spectra of stars at 
least as faint as m 
V 
m 
= 7.5. 
In order to meet these several requirements, an echelle-type 
grating (Harrison 1949) has been installed in the coude spectrograph of 
the Mt Strornlo 74-inch reflector. Such gratings are characterized by 
very high angular dispersion, obtained by working at high angles and in 
high orders of diffraction, and relatively short free spectral range. 
The latter results from a low groove density on the grating, a condi-
tion necessitated by practical difficulties in maintaining accurate 
groove shapes, which in turn are needed to ensure high efficiency. 
9 
The high angular dispersion means in practice that, for a given 
linear dispersion and resolution, it is possible to use a shorter focal 
length camera, and hence a wider entrance slit to the spectrograph, 
than previously. The resulting increase in light throughput for high 
dispersion work is typically two stellar magnitudes. 
Although the short free spectral range means an additional 
optical component must be used to sort the various orders (a crossed 
prism or grating is usually used), the two dimensional format thus 
provided is ideal for use with image intensifier tubes. 
Such an echelle-plus-image tube system has been used for this 
work. The disadvantages of the echelle system, namely the tilt of the 
spectral lines relative to the continuum and rather rapid intensity 
variations across each order, have proven in practice to be annoyances 
of the same order as the distortions introduce d by the image tube. 
Hence the two combine to give a very powerful system for the present, 
restricted problem, that of measuring the strengths of weak spectral 
lines. 
2.2 THE ECHELLE 
a) Theory 
The nature and theory of echelle gratings has been given by 
Harrison (1949), with astronomical applications discussed by Rense 
(1966) and Schroeder (1967), among others. The basic ideas can be 
seen by a look at the grating equations: 
mA = d(sin a+ sin 6) 
= W(sin a+ sin 6) 
N 
(2 .1) 
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R - 11./~A = mN ( 2. 2) 
dS/d\ - m/(d cos S) (2. 3) 
where mis the order number; a and Sare the angles of incidence and 
diffraction , respectively; Wis the total ruled width of the grating; 
and N is the total number of grooves. Equations (2.1) and (2.2) result 
in an expression for the resolution: 
w ( . Q) R = I sin a+ sinµ • 
From this, together with equation (2.3) for the angular dispersion, it 
is seen that for the highest resolution and the highest dispersion, the 
angles of incidence and diffraction of a grating should be equal, and 
as large (i.e. close to 90°) as possible. Then the equations reduce to: 
and 
R = 
2W 
A 
dS/d>- = 
sin S 
2 tan S 
>-
(2. 4) 
( 2. 5) 
So, at a given wavelength, the resolution depends only on the total 
ruled width of the grating and the angle of diffraction, and the angular 
dispersion only on the angle of diffraction. The number of grooves does 
not enter the picture, except in the end to determine the free spectral 
range of each order through the equation: 
A o>- = - -
m 2W sin S 
(2. 6) 
An echelle grating follows these precepts by working in the 
Littrow configuration at a high angle of diffraction, thus producing 
both high resolution and high dispersion. The design of an echelle 
grating system, therefore, involves choosing the angle of diffraction, 
ruled width, number density of grooves, and cross disperser to yield 
the desired dispersion, resolution, and a convenient two dimensional 
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format in the focal plane of the spectrograph. 
b) Design 
The echelle currently in use at Mt Strornlo is a very early 
Bausch and Lomb 4" x 8" replica grating with 73.25 grooves/nun, working 
at an angle of 65°15' to the grating normal. These parameters combine 
to give a free spectral range for a typical order in the blue (order 
numbe r -60) of -70 ~' and when used with the 32-inch f.l. Schmidt 
camera in the 74-inch coude, give a reciprocal dispersion of -1 R;nun. 
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These numbers vary as A and A, respectively. The resolution of the 
grating is very much higher than that of a photographic plate or 
image tube when used with this linear dispersion, so the resolution is 
determined in practice by the projected entrance slit width. The 
efficiency of the grating is -50-60% when working with the angles of 
0 incidence and diffraction equal, but less if they are more than -10 
different. The intensity fall-off from the center of an order to the 
edge appears to be about 30%. 
The optical lay-out of the echelle system in the 74-inch coude 
is given in Figure 2.1. The design basically replaces the standard 
coude grating with the echelle plus cross-disperser. As the light 
returns toward the entrance slit from the collimator it first hits the 
cross-disperser Gl, whose plane of dispersion is perpendicular to that 
of the figure. This grating also then acts as a mirror (in the plane 
perpendicular to its dispersion), and sends the light down to the 
echelle G2, whose dispersion is in the page's plane, from which it 
returns, goes off mirror Ml, and into the camera of the spectrograph. 
This design has been chosen as a practical, if not ideal, method of 
incorporating a fundamentally Littrow grating into a conventionally 
angled coude. It also allows for relatively rapid insertion of the 
. •. · · -· - .• ·- · · · •11 . · 11 · .: · •:. ,Q p 
• . 
1 
• • • " · ' ~ 4 • P . f . ,; ' ~ . ' !"'-· . , . . ~ . <J t. 9 
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FIGURE 2 .1. 
:ef. fl 
The optical layout of the echelle grating system . Gl 
is the crossed , low-dispersion grating acting also as 
a mirror in the plane perpendicular to its dispersion ; 
G2 is the echelle; G3 is the standard grating usually 
used by coude observers; Ml is a mirror that directs 
the dispersed light into the camera and can be tilted 
by small, controllable amounts with the coude's sector-
arm-and-worm scanning facility. The light is directed 
into the image-tube (dotted circles) by a small 45° 
mirror mounted at the direct plate-holder position . 
The dispersion is vertical. 
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echelle optics, the echelle itself remaining always in position. Dur -
ing the work described here, the various mountings have been of wood 
and scavenged metal bits and pieces. Before each observing run, 
accurate alignment of the various parts is ensured by sending a laser 
beam from the telescope into the spectrograph, and following it through 
to the desired focus. The desired wavelength setting is made by visu-
ally examining the daylight sky spectrum at the final focus. 
The advantage of installing the cross-disperser in the beam 
before the echelle is that it then can be a relatively small grating. 
In the present set-up, the 4"x5" cross-disperser grating is borrowed 
each run from the 74-inch low dispersion cassegrain spectrograph, 
which thus provides a complete set of cross-dispersers. For the blue, 
with the 32-inch camera, a 300 1/mm ASOOOI grating is used; for the 
red a 150 1/mm A7500I grating is installed. With the aplanatic 
sphere (see §2.3) these become 600 1/mm A5000I, and 300 1/mrn ASOOOI, 
respectively. 
The disadvantage of havi.ng the cross-disperser first is that 
each wavelength then hits the echelle at a slightly different angle, 
resulting in a tilt of the spectral lines at the focus that varies 
with wavelength. At this low crossed dispersion, however, the effect 
is small, and in practice distortions introduce d by the image tube are 
equally troublesome. Figure 2.2 shows what a plate taken with the 32-
inch camera and image tube looks like, and in particular the magnitudes 
of line tilt and image tube distortion. Should it become important 
for some purpose that the spectral line tilt be everywhere the same, 
then of course the cross-disperser and flat mirror Ml may be inte r-
changed. 
The use of the cross-dispers er as a mirror i n the plane perpen-
dicular to its dispersion results in the proj e cted slit being a 
FIGURE 2.2. An example of an echelle spectrogram (of a Cen) with the Carnegie RCA 33011 image tube. 
The uppermost complete order is No. 53, the lowest complete one is No. 62. The A4129 
survey line region is 75 mm from the right hand edge of the figure in order No. 60. 
Each order is slightly more than~ mm wide on the plate, and as shown here, comparison 
lines are not registered on the echelle plates. The blaze wavelength in each order is 
slightly to the left of center. The gradual change of line tilt with wavelength, caused 
by using the cross-dispersion before the echelle, may also be seen here. 
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parallelogram, rather than a rectangle. The width is the same, how-
ever, so the effect is one of slightly reducing the intensity at the 
sides of the spectrum. Again , the effect is small, and in fact has 
not been noticed at all in practice. Rense (19 66) gives the theory of 
such oblique diffraction. 
The necessity of mirror Ml is unfortunate, as it is a further 
0 
source of light loss, but its use is dictated by the 30 angle of the 
coude room. One advantage, however, is, because it is mounted on the 
usual grating . (G3) mount, it can be tilted very small amounts by the 
sector arm and worm scanning facility of the coude. Hence each spec-
trum taken with the image tube can be located on a slightly different 
part of the cathode, and several spectra then will average out non-
uniformities in the tube's sensitivity. 
Several features of the system (which is taken here to include 
the entire spectrograph, 32-inch camera, and image tube), arising from 
the ad hoc manner of its initial assembly, should be mentioned. As 
noted above, the dispersion is -1 ~/mm in the blue, with order.s con-
sisting of some 70 ~- Thus only about~ of an order can be fitted 
onto the image tube's -35 mm cathode at a time. The problem remains 
with the aplanatic sphere, but has been cured by the recent instal l a-
tion of a 16-inch f.l. cassegrain-schmidt coude camera with image tube .. 
A related problem is the small size of the flat Ml. Currently a 6~-
inch diameter mirror is used, because it was readily available, but a 
larger flat should be installed to obtain the full field possible. 
The echelle's mounting is presently sitting on the coude floor, as 
this seemed the most stable position, but should probably be raised 
somewhat when installed permanently . When this is done it may be 
necessary to face the echelle oppositely to the way shown in Figure 
2.1, in order to ensure that no light is lost by reflection from the 
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long faces of the groove steps. Lastly, it should be mentioned that, 
although the echelle projects as 4-inches square, the coude beam is 
nearly 7-inches in diameter. This unfortunate mis-match has been 
lived with during the work reported here because this echelle was the 
only one available, having been purchased previously for another 
purpose. Several attempts were made to install a transfer lens just 
ahead of the entrance slit of the spectrograph, but at no time during 
these studies were the tertiary and quaternary mirrors of the main 
telescope sufficiently well aligned to guarantee that the resulting 
reduced beam always. fell completely on the echelle. So these 
attempts were abandoned. 
a) Performance 
The echelle grating system, as used with the 32-inch camera and 
image tube, may be compared directly with the standard coude system, 
which uses the same entrance slit size (some 250µ, or 0.85 arc sec), 
camera, image tube, etc., but which gives 10 ~/mm reciprocal disper-
sion at the focus. The average speed difference between the two con-
figurations is nearly a factor of 25. Of this, a factor of 10 must 
come from the ten times increase in dispersion, the other factor of 
2.5 coming from a combination of light loss on the extra optical 
elements employed, and from the echelle and cross-disperser's being 
grossly overfilled. 
The instrumental profile of the system has been examined by 
illuminating the entrance slit with a diffused laser beam, and record-
ing its final image photographically. The full-width-at-half-maximum 
profile so derived is 75 to 80µ, but the profile also has the familiar 
broad wings near and below the 10% level. The main ghosts from the 
~ 
echelle are at about the 0.1% level, and are fairly widely spaced; 
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the cross-disperser's ghosts are typically rather less intense, but 
much more numerous. 
Much of the system's utility, of course, derives from the 
image tube, and hence a few words on that device are in order. For 
all the work described here a magnetically focused, two stage, un-
cooled, Carnegie RCA 33011 tube, outputting onto baked, Eastman IIa-0 
photographic plates, has been used. This type of tube gives rather 
reduced resolution when compared with direct IIa-0 plates, but is 
some 15 times faster. The net increase in information rate, there-
fore, seems to be about 5-7 times over direct photography. 
There is a certain amount of scattered light produced in the 
image tube, apparently of two main types. One is present as a dif-
fus~relatively smooth background, appearing whenever light is incid-
ent on the tube. This may well result from light scattered or re-
flected back to the first cathode, which is semi-transparent, from 
the interior of the tube. The second appears as a halo or ring around 
bright emission lines, and probably comes from multiple reflections in 
the entrance window of the tube, or perhaps in the field flattener 
that is optically contacted onto this window. Visual inspection of 
these two scattering phenomena suggests that their combined effect on 
equivalent width measures in continuous spectra should be small, 
although this has not been proven. 
Imperfections in the cathodes and phosphors have proven annoy-
ing in certain instances. Figure 2.3 shows two cases of the kinds of 
effects encountered. As noted previously, the procedure adopted has 
been to secure several plates of each star, with the spectrum shifted 
slightly (1 nun or so) between each one. 
The greatest problems with the image intensifying tube have had 
to do with its thermionic background emission. Although "ion events", 
...... 
-
- -
- --
FIGURE 2.3. Two of the more extreme image tube effects encountered 
during the survey. The top figure shows a continuum 
dislocation and change of slope in a spectrogram of 
a Cen. The lower one shows a local depression of the 
stellar continuum near the A4129 survey region, found 
on one plate of HR 2998. 
I 
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the brightest flashes of background, seem to be minimal or non-exist-
ent with the tube used, the background granularity increases rapidly 
with general background level. While an exposure of some 4 hours gives 
a visually unobjectionable general background, quantitative measure-
ments begin to suffer after about two hours. A very important aspect 
of this background is its apparent sensitivity to light; that is, if 
the room lights are allowed to shine on the cathode (with the high 
tension off, of course), as is necessary when installing the aplanatic 
sphere, the general background level comes up much more quickly. This 
effect, which apparently is common in S-20 (tri-alkali) cathodes, seews 
to last up to several days after the exposure to light. 
2.3 THE APLANATIC SPHERE 
Because of the general image tube background, maximum exposure 
times during these studies have been limited to about two hours. In 
order to extend the range of stars thus available to the equipment, 
an aplanatic sphere has been installed at the focus of the 32-inch 
camera. 
a) Theory 
The theory of the aplanatic sphere is given in basic books on 
optics (e.g. Born and Wolf 1965). In astronomy, the construction 
has been used in the design of fast spectrograph cameras (Rayton 1930), 
and in simpler form, as has been done here, to provide special purpose 
reducing lenses (see Bowen 1952). 
The basic ideas are seen in Figure 2.4: consider a glass 
sphere of radius Rand refractive index n, concentric with two imagin-
ary surfaces of radii Rn and R/n. Then any ray intercepting the glass 
sphere, that would initially have reached point Pon the outer surface, 
" 
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FIGURE 2.4. Optical construction of the aplanatic sphere. A ray 
entering the sphere (of radius R) that is initially 
directed toward point Pon a concentric surface of 
radius R.n, is bent instead toward point P' on a sec-
ond concentric surface of radius R/n, where P' is on 
the line OP. This behavior follows from Snell's law 
and geometry, and hence is exact. 
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will instead by refracted toward point P' on the inner surface, where 
P' is on the line OP. Therefore any image that would have formed on 
the outer-surface, will now instead form on the inner one, producing 
1 
an effective focal ratio of~ times the original. 
The advantage and great interest in this construction is that 
it is exact, following from Snell's law of refraction, and geometry. 
Hence any aberrations in the optical imaging system are reduced in 
absolute size by the insertion of the lens, rather than increased, as 
is often the case in optics. 
In practice, of course, the initial focal surface is either 
flat or curved in some way not coincident with the outer sphere of 
the construction. Thus it is only possible to satisfy the aplanatic 
condition exactly on a circle of points. Following Bowen (1952), a 
compromise may be reached by figuring the rear surface of the lens 
very near to the focal plane at P'. This surface, being so near to 
the focal plane, introduces few aberrations, but can be made to pro-
vide any necessary corrections to the field curvature. 
b) Design 
The design constraints for a practical reducing lens for this 
work were felt to be the following: 
i) The lens should be small enough to fit inside the focusing 
magnet of the image tube, and not stick out beyond the front. This 
restriction arises from the already cramped position of the image 
tube. That is, to avoid vignetting, a small 45° mirror is placed just 
before the 32-inch camera's focus, sending the light out to one side 
to the image tube. The tube, without lens, is only inches from this 
mirror, and can only be brought forward some two inches at most. 
Ii 
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ii) The usual field flattener for the 32-inch camera is optically 
bonded onto the cathode face of the image tube, and is somewhat diffi-
cult to remove. Hence the rear curvature of the lens should be such 
as to give a flat field at the cathode, with the usual field flattener 
remaining in positiop. 
iii) The total field should include at least as much spectrum as 
the system without the lens. This is desired so that the same lines 
can be measured in all stars. 
iv) The manufacture of the lens should make use of existing lens-
grinding tools, to minimize the shop time required. 
Figure 2.5 shows a diagram of the resulting lens design. The 
glass is Schott BK7. Constraints (i) and (iv) have led to a front 
surface of radius 1.818 inches. The rear surface has been designed 
using a ray-tracing program, kindly provided by Prof S.C.B. Gascoigne, 
and represents an all around compromise. Its 30-mm aperture 
satisfies (iii), and curvature of 2.00-inches radius, (ii) and (iv). 
Constraint (ii) is a sericus one, and seems to provide the limit on 
how small the system's aberrations can be made. With the present 
design, ray traces show that the best average focus setting yields 
images which are everywhere less than 16µ in diameter. Retention of 
the field flattener introduces some distortion across the fi e ld as 
well. The central thickness of the lens is designed so that there 
is several mm clearance between the lens and field flattener. Thus 
the lens, designed for A4100 ~,maybe moved slightly to work at any 
desired wavelength. At any one setting, chromatic aberration across 
the field is small (but see below, Section 2.3(c)). 
The lens is mounted in a pinned, sliding tube arrangement that 
permits it to be focused in the mounting without rotating, the entire 
mounting screwing onto threads in the magnet housing of the image tube. 
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FI GURE 2.5. De sign of the aplanatic sphere {scale 2:1), showing both the lens and the image tube-plus-field flattener. 
FIGURE 2.6. The aplanatic sphere and its mounting. Visible are the retaining rings for the lens, 
and the sliding pin focusing mechanism. The front brass ring (with the 12 forward 
facing holes) is used for final focusing, after the entire mounting has been screwed 
into the image tube magnet housing by the rear facing outermost threads. 
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Figure 2.6 shows the lens and mounting. 
c) Performance 
The aplanatic sphere effectively converts the 32-inch coude 
camera into one of 16-inches f.l., and results in a reduction factor 
of 14 for the spectrograph. Thus a 1.7 arc sec entrance slit projects 
to some 35µ on the plate, well within the resolution of the image tube. 
This size entrance slit means that on an average night the spectro-
graph is working very nearly slitless, at a dispersion of -2 ~/mm. 
Therefore the system is in principle about as efficient as is possible. 
The gain in speed over the 1 ~/mm system is close to two stellar mag-
nitudes, for the same exposure time. For example, a two hour exposure 
with the equipment will yield a properly exposed, 1z mm wide spectrum 
of a 6th magnitude star at 1 ~/mm, but can reach 8th magnitude at 2 ~/mm. 
There are, of course, certain problems with the operation of 
the lens, which should be noted. Although at the proper focus settings 
the images are excellent, obtaining that proper focus is fairly 
involved. The following procedure has been found to be at least 
adequate: The image tube is first focused carefully without the lens; 
next the lens is inserted, and the image tube is moved a theoretically 
-1 
calculated distance forward (equal to 1.818 inches x (n-n )) ; then 
the lens is focused in its mount until the images are satisfactory. 
This last step has proven the most difficult, as there is a certain 
amount of residual field curvature and astigmatism. To optimize the 
focus over the entire two dimensional field therefore requires some 
care. 
The problem is exacerbated by a tilt of the plane of best focus 
relative to the plane perpendicular to the central incoming rays. That 
is, because the Sclunidt camera is designed to use only one half of its 
aperture, the focal plane, although not tilted with respect to the 
camera's axis, appears to be so relative to the actual light beam. 
This problem, easily overcome with the straight camera by shifting 
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the image tube sideways and bringing the light in at an angle, has not 
been satisfactorily solved with the aplanatic sphere. Angling the 
image tube with respect to the light beam in this case would introduce 
prohibitive vignetting. A slight amelioration may be achieved by 
arranging for chromatic aberration in the lens to help compensate for 
the tilt, but full compensation is not possible. 
Because a higher cross-dispersion is required with the aplanatic 
sphere, the variable line tilt introduced by placing the cross-dis-
perser before the echelle is worse. However, although any higher cross-
dispersion seems to be ruled out, the 2 R;mm spectra taken for this 
work can still be traced without having to rotate the microphotometer 
slit significantly along a single half-order. 
The air-glass interfaces at the rear surface of the aplanatic 
sphere and at the field flattener combine to produce ghost images near 
field center of any bright regions. Hence the two dimensional format 
of the echelle spectra gives a diffuse background spot about a mm in 
diameter near the center of the plate. The spot, however, is only 
visible on plates with maximum densities greater than one, and so 
only rarely is a problem. 
An important disadvantage of the lens is the practical 
necessity (for safety reasons) of installing it with the room lights 
on, thus exposing the image tube cathode to light. As discussed 
previously, this has the effect of increasing the general background 
level of the tube for at least a day thereafter. 
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2.4 AUXILIARY INSTRUMENTATION 
a) Calibration Equipment and Procedures 
The usual coude calibration procedure is to expose on either 
side of a stellar spectrum the dispersed image of a uniformly illumin-
ated wedge. With the echelle, such a procedure is impractical, and 
the calibration must be done on a separate plate. At least once per 
observing run the cross-disperser is turned to send its zero order to 
the echelle, which then disperses the desired wedge. For direct 
plates one should also insert a narrow band filter to isolate a 
limited wavelength region, but since the image tube is a linear device 
with constant output spectrum, no filter is required with its use. 
Due to a number of vignetting problems, especially with the aplanatic 
sphere, a rectangular window has always been exposed at the same time 
as the calibration wedge. Thus any vignetting can be recognized as a 
non-flat response across the image of this window. The resultant 
density-intensity calibrations have repeated extremely well from 
month to month; any calibration errors should therefore be common to 
all data. 
Trailing of the stellar image on the entrance slit is done by 
a rotating quartz block, at a rate of about one trail per second. The 
effect this might have on the calibration curve has been tested by 
chopping the calibration light source at the same frequency. No 
effect could be detected, in agreement with the finding by R.F. 
Griffin (private communication, 1970) that IIa-0 plates show little 
intermittancy effect. 
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b) Microphotometer 
A Gottingen microphotometer with direct intensity output via a 
fast, electronic curve follower has been used to trace all plates in 
this work. The main strong point of this system is its excellent 
viewing optics, thus making it easy to follow the S-bend distortion 
of the image tube and the tilted echelle lines while tracing. 
The system's weak points include the absence of a Fabry lens on 
the photomultiplier, and a non-compensated light source. Thus drifts 
in light intensity and various mechanical instabilities sometimes 
result in zero drifts on the order of 10% over periods of tens of 
minutes. Care has been taken to watch for any such drifts by tracing 
the plate zero both before and after an order of spectrum. 
The curve follower is a non-linear amplifier that approximates 
the calibration curve by up to 30 straight line segments. This is 
entirely adequate for all parts of the curve except the very toe, 
which is difficult to reproduce. An average, compromise toe has been 
used throughout this work. 
Care has also been exercized to define the calibration zero at 
a point of chemical fog only. Thus the image tube background gener-
ally results in the zero of a stellar spectrum being slightly above 
the toe of the calibration curve. 
c) Digitizing Unit 
For the measurement of very weak lines, the placement of the 
continuum is often as much a source of uncertainty as is noise in the 
line itself. In order to measure lines for which the noise on a 
single plate makes both line and continuum significantly uncertain, 
the writer has assembled a digitizing unit for the Gottingen micro-
II 
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photometer. Thus a number of plates can be averaged digitally to 
provide the desired signal to noise ratio. This unit consists of a 
Dymec model 2210 voltage-to-frequency converter leading to a Hewlett-
Packard model 5512A Electronic Counter, and the counter to a Facit 
type 4070 paper tape punch. It can measure voltages in ranges from 
0-lv to 0-l(X)Ov, with integration times from .01 sec to 10 sec. The 
fastest digitizing speed possible is limited by the -0.2 sec dead time 
of the counter. In practice on the microphotometer, the integration 
time is set to 0.1 sec, giving about three numbers per second, and 
the tracing speed to give at least five numbers per resolution element. 
The tapes thus secured have been processed on the observatory's 
IBM 1620 computer. 
The unit has been used not only on the microphotorneter, but 
also for a number of photometric projects, by several staff members, 
as a quick way of obtaining digitized data at the telescope. 
2.5 OBSERVATIONAL CAPABILITIES OF THE ECHELLE SYSTEM 
The practical capabilities of the coude echelle system, in the 
context of the studies reported in this dissertation, have been found 
to be the following: 
i) Working near \4100 R, without the aplanatic sphere, some 8-12, 
~-mm wide, half-orders (35 ~) of a B m = 6.0 star may be recorded in the 
two hour or so limit set by the image tube, at a resolution of 0.075 ~-
With the aplanatic sphere, one can obtain some 4-6, ~-mm wide, half-
orders, of a B = 8~0 star in the same t'irne, with 0.15 R resolution. 
Better, quieter image tubes promise to extend these limits both in 
limiting exposure time and resolution. Also, a larger echelle grating 
for the 74-inch coude should give a significant increase in speed. 
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ii) Lines of 20 to 100 ~ equivalent width in solar type stars may 
be measured to somewhat better than 10% random error. This figure, of 
course, depends on the number of plates measured, and as well on the 
exposure time of each plate. Figure 2-7 shows the nature of the latter 
effect. Here is plotted the average standard deviation of a single 
measurement versus exposure time, for some 15 lines (of 20-100 ~ 
equivalent width) on at least three plates each, for stars where all 
plates have comparable exposure times. Random errors are seen to be 
on the order of 10% for both straight and aplanatic sphere plates for 
short exposures, but increase to 20% or so after two hours. The 
increase is seen to be most marked for the aplanatic sphere exposures. 
This presumably is because the background induced by cathode exposure 
to room lights is always present there, and may or may not be present 
for straight image tube exposures. 
iii) Finally, experience has shown that lines of less than 10 ~ 
equivalent width are very much down in the noise, except on short 
exposure plates under optimum conditions, and when a number of plates 
are averaged. 
The implications of these limitations for the studies presented 
here are several-fold. For solar type, normal abundance dwarf stars, 
the strongest lines of the elements under consideration are in the 
range of 10-100 ~ equivalent width. Hence it will only be possible 
to study these elements in stars of greater than a tenth solar abund-
ances. And because the dividing line between halo and disk stars is 
near this abundance level, it will be possible to examine only a few 
halo objects. The situation is made worse as well by the scarcity of 
halo stars brighter than 8th magnitude. Nevertheless there are several 
such dwarf stars, and by examining these and other stars of up to 
several times solar abundances, one can study a total range of per-
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FIGURE 2.7. The relation between average fractional 
standard deviation for a single equivalent 
width measurement and average exposure time, 
for straight (top) and aplanatic sphere 
(bottom) plates. Each point represents the 
average of measurements from 3 to 5 plates 
of a given star, where only plates with 
nearly equal exposure times have been 
included. 
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haps a factor of 30 in abundance. It is to be hoped that the sign-
ificant aspects of nucleosynthesis are manifest in this range of 
heavy element content. 
CHAPTER III 
ON THE STOCHASTIC NATURE OF STELLAR SYNTHESIS. 
A SURVEY OF r-, s-, AND e-PROCESS ABUNDANCES 
3.1 INTRODUCTION AND NATURE OF THE SURVEY 
a) Introduction 
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The question under discussion is whether the observed chemical 
evolution of the galah'Y is due to a progressive build-up of the heavy 
elements by nuclear reactions in successive generations of stars, or 
to some other phenomenon. That the galaxy has in fact evolved chem-
ically is therefore not under discussion, nor is the basic theory of 
stellar nucleosynthesis, but instead it is the connection between the 
two that is to be examined. Hence, rather than consider only astron-
omical aspects of abundance phenomena - of the relation of absolute 
stellar abundances to galactic dynamics, star formation, and so forth -
it is proposed to discuss primarily relative abundance variations 
predicted by nuclear theory. Because the purely nuclear aspects of 
the theory of nucleosynthesis are on firmer ground than the cosmogonical 
ones, it is hoped that some decisive evidence may thus be found to 
confirm or deny the nuclear nature of galactic abundance evolution. 
In the present chapter, an investigation is reported into what 
must be one of the fundamental predictions of the standard model of 
galactic enrichment; namely, that the relative abundances of elements 
produced by independent nuclear processes in independent astronomical 
events will at some level show fluctuations. If elements, which from 
nuclear theory are expected to show relative variations, do not, then 
one must be highly suspicious of the nuclear nature of any other 
abundance variations that might be found. Of course, because the con-
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tribution from each nuclear process to a sample of matter depends not 
only on the rate of element production, but also on the efficiencies 
of returning the processed material to a protostellar state, it is not 
clear just how large such variations should be. In any event, the 
search here is for this statistical "noise" that must accompany 
element synthesis, if the picture of build-up in a great many separate, 
independent events is correct. 
The investigation has taken the form of a survey of elements 
representative of the three major processes throught responsible for 
the heaviest elements, that is, thee-, r-, ands-processes of 
Burbidge et al. (1957}. These processes are thought to occur on widely 
differing timescales and at very different stages of stellar evolution. 
The nuclear theory of the processes has been given by Burbidge et al.; 
Clayton et al. (1961} ; and Seeger et al. (1965}. Briefly, the e-, or 
equilibrium, process involves synthesis of the iron peak elements at 
extremes of temperature and density such as might occur in supernovae 
explosions. The r-, or rapid, process is responsible for the produc-
tion of certain of the elements heavier than the iron peak, by 
successive neutron capture on a timescale short compared to the S-
decay timescales of these elements. The r-process may also, therefore, 
occur in stellar explosions, and might just conceivably happen in 
conjunction with thee-process. The s-, or slow, process, however, 
because it involves build-up by successive neutron capture on a 
timescale slower than the typical S-decay time, must occur at greatly 
reduced temperatures and densities, and probably takes place during 
ordinary static stellar burning (cf. Chapter V}. 
Both the r- ands-processes are very much non-equilibrium 
phenomena. It would therefore seem that the relative abundances of 
elements due to these processes should present a most favorable 
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possible test of abundance variations caused by strictly nuclear effects . 
In the course of a number of investigations, various workers 
(see e.g. Pagel 1968 and references therein; Rodgers and Bell 1963; 
and others) have presented evidence that in some metal-deficient halo 
giants elements heavier than the iron peak are even more deficient 
than iron. These results are mostly for s-process elements, however, 
and what little has been suggested about r-process abundances in 
these stars seems uncertain. Some work has been done looking for 
differentiation of the r-process element Eu (e.g. Helfer and Waller-
stein 1968; Hazelhurst 1963; and Wallerstein's unpublished visual 
inspection of the EuII A4129 region in the spectra of a number of 
G, K, and M giants, taken by O.C. Wilson - private communication 1972), 
but only Helfer and Wallerstein's discussion of nine giants is free 
from errors due to the neglect of hfs in the EuII spectrum. These 
efforts have also been hampered by the existence of very few suitable 
lines in stellar spectra, and have usually concluded that no relative 
variations have been detected. The present work has therefore been 
undertaken to clarify the situation, and to extend quantitatively the 
search for such abundance variations. 
b) Nature of the Survey 
Because of the paucity of suitable lines of r-process elements 
in stellar spectra, it becomes necessary to base any discussion of r-
process abundances on the measurement of only a few lines. Gadolinium, 
Eu, and perhaps Yb are spectroscopically the most easily studied r-
process elements in solar type stars, and of the available lines from 
these elements, EuII A4129 is the strongest unblended one. In the 
present survey, therefore, a group of lines near A4129, which 
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fortuitously also includes lines due toe- ands-process elements, has 
been chosen as most suitable for examination. Figure 3.1 shows a 
tracing of a typical spectrogram of this region. The lines of EuII 
A4129.73 and BaII A4130.66 are used as indicators of r- ands-process 
abundances, respectively, and FeII A4128.74 is used to derive abund-
ances relative to iron. 
Europium should be an excellent indicator of r-process abund-
ances, having only some 10% of its solar system abundance due to the 
s-process (S eeger et al . 1965; Macklin and Gibbons 1967; cf. also 
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the discussion of the s-process branching point at Sm in Chapter V 
here). Grevesse and Blanquet (1969) have questioned the use of the 
A4129 line of EuII for abundance determinations on the grounds that it 
yields too high an abundance, and hence may be a blend. The other 
lines used by these authors, however, occur in the wings and even near 
the cores of other, stronger lines, and hence there must be some 
question as to the reliability of those lines as well. Solar 
observations at high resolution by Bachmann et al. (1970) have shown 
EuII A4129 to have the expected asynunetrical shape due to its very 
wide hfs, and also to behave in sunspots as expected. Both they and 
Hauge (1972), on the other hand, have reported difficulty in re-
producing exactly the blue wing of the line, assuming a meteoritic 
isotopic composition and a model for the solar atmosphere. At least 
part of this problem must stern from non-LTE effects, which have been 
neglected by these authors (see §3.4(b) below). A close watch has 
been kept on the shape of the line in all stars, and no evidence for 
any change of line shape with temperature has been found. It has 
therefore been concluded that A4129 .73 is due predominantly, if not 
entirely, to EuII. 
F I GURE 3 . 1 . 
Fe IL\4128· 74 EuIIA4129·73 Bail1'.4130·66 
Zero 
A single plate, direct intensity t r a c ing of the A4129 region o f a Cen . The three survey line s are 
marked , and t he a symmetrical shape of the EuII line is seen . The continuum slope is due to the 
intrinsic intensity va r iat ion across echelle order s. 
30 
Lines of s-process elements are much more numerous than those 
of r-process elements, and BaII A4130 has been chosen only because of 
its proximity to EuII A4129 in both wavelength and line strength (at 
solar temperatures). Its identification seems secure , especially as 
it gives very nearly the average solar abundance for Ba (see Goldberg 
et al. 1960). Because Ba is at a closed neutron shell and is over-
whelmingly produced by the s-process, it is a particularly good 
indicator of s-process abundances. 
Similarly, FeII A4128 has been chosen because it is near the 
other two lines in wavelength and of similar strength in the sun . It 
also gives very nearly the average solar iron abundance (Warner 1968b). 
All three of the survey lines are from singly ionized species, 
and hence their line strengths depend on the electron pressure, P . 
e 
However, the ratios of their strengths should be largely independent 
of P for solar temperature stars, so only line-strength ratios are 
e . 
considered in this work. Table 3.1 gives the atomic parameters of 
these lines. The differences in excitation are clearly small enough 
that broad-band photoelectric colors (e.g. R-I) should yield differ-
ential temperatures of sufficient accuracy for the present purposes. 
TABLE 3.1 
SURVEY LINE DATA 
Lower First Second 
Line Excitation Ionization Ionization 
Potential Potential Potential 
BaII A4130.66 2.72 eV 5.21 eV 10.00 ev 
EuII A4129.73 .00 5.67 11.24 
FeII A4128.74 2.58 7.90 16.18 
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Abundance estimates using so few lines violate the usual rules 
of abundance determinations, which require a large number of lines to 
compensate for poor accuracy of measurement . The echelle grating 
equipment available here, however, allows fairly accurate measurements 
to be made. And, because the lines chosen are relatively weak, the 
theory of their formation should be on a fairly solid footing. Indeed, 
on the assumption that the identifications are correct, the present 
procedure should give relative abundances depending little on either 
the continuum opacity or its variations, the stars' atmospheric 
temperature structures, or on the adopted height of the continuum. 
It will also be possible to give a realistic discussion of the errors 
of determinations made with this procedure. 
In the main,dwarf stars or slightly evolved subgiants of near 
solar temperature have been observed in this project. This restric-
tion is for two reasons. 
First, as a star evolves toward and up the giant branch, con-
vection cuts deeply in toward the core. Should there be any s-
process element production near the core at these stages, some pro-
cessed material might be mixed to the surface, resulting in surface 
abundances that do not reflect the star's primordial composition. 
The mild BaII or S stars such as those recently found by Williams 
(1971) and Chromey et al. (1969) would probably be exaIT~les of such 
stars. 
Second, giant stars tend to be so cool that EuII A4129 becomes 
very strong, and BaII A4130 and FeII A4128 quite weak, thus introduc-
ing uncertainties in the interpretation of measured line strengths. 
Because the lines in question become extremely weak in metal-poor 
dwarfs, however, it will be necessary to turn to giant stars to derive 
abundances for the most metal-poor objects of the halo. 
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Every effort has been made to observe a selection of stars with 
differing kinematics, metal abundances, and ages. A total of some 40 
stars has been examined, although due to certain problems, including 
rotationally broadened lines, and uncertain continuum placement in 
the coolest stars, only 35 will be discussed here. In this sru~ple are 
dwarfs or subgiants with from a tenth to several times solar abundances, 
and with galactic orbits ranging from .extreme halo to normal disk. 
Also included are several giants with extreme halo orbits, one of 
which is extremely metal-deficient as well. The age spread in the 
sample is from the age of the galactic halo, to stars probably younger 
than a billion years or so. 
3.2 STARS OBSERVED - FUNDAMENTAL DATA 
As mentioned, good quality plate material has been secured of 
some 35 stars. Table 3.2 lists the stars, their HD and HR numbers, 
and other relevant basic data. Figure 3.2 shows the HR diagram for 
those dwarfs for which data is available (Eggen 1964a). Not included 
on this diagram are the observed giants, the subgiant HD 115577, and 
the three dwarfs, s Boo, 70 Oph, and 36 Oph. These last are wide 
binaries with strong CaII K-line emission, and represent an attempt 
to include as young stars as possible in the sample. 
Figure 3.2 also shows the cluster diagrams of NGC 752, M67, 
and NGC 188 (from Eggen 1964). The ages of these clusters are given 
9 9 9 by Eggen as 1 x 10, 7 x 10, and 15 x 10 years, respectively. It 
is seen that all ages from as old as the galaxy to as young as 
several billion years are represented. An estimate of the ages of 
~ Boo, 70 Oph, and 36 Oph can be made by comparing the CaII emission 
intensity of these stars with that of similar temperature stars in 
the Hyades. Wilson (1963) gives eye estimates (of 2-3 on his scale) 
Name HD HR m B-V 
V 
s Hyi 2151 98 2~8 m +.62 
'T Ceti 10700 509 3.5 . 72 
K Ceti 20630 996 4.8 .68 
y' Ret 20766 1006 5.5 .64 
e Eri 20794 1008 4.3 .70 
10 Tau 22484 1101 4.3 .58 
cS Eri 23249 1136 3.6 .92 
o2 Eri 26 96 5 1325 4.4 .81 
Ci.. CMi 61421 2943 0.3 .40 
62644 2998 5.1 .78 
63077 3018 5.4 .58 
76932 3578 5.8 .53 
91324 4134 4.5 .50 
102365 4523 4.9 .66 
s Vir 102870 4540 3.6 .56 
104307 4587 5.5 .76 
114762 - 7.3 .54 
11557 7 - 6.8 .98 
TABLE 3. 2 
BASIC STELLAR DATA 
Sp. Name HD 
G2IV - 122563 
G8V Ci.. Cen A 128620 
G5V ~ Boo AB 131156 
G2V 5 Ser 136202 
GSV v 2 Lup 136352 
F8V y Ser 142860 
KOIV - 148816 
KlV 36 Oph AB 155885 
F5IV-V BD+25°3252 157466 
G5IV 70 Oph A 165341 
GOV - 174323 
F9V - 180928 
dF6 31 Aql 182572 
G5V - 183877 
F8V y Pav 203608 
dG7 \) Indi 211998 
F9V - 215257 
G8IV 
HR m 
V 
5270 6~2 
5459 0.0 
5544 4 .5 
5694 5.1 
5699 5.7 
5933 3.9 
- 7.3 
6401 5.3 
- 6.9 
6752 4.2 
- 7.0 
7317 6.1 
7373 5 .2 
- 7.1 
8181 4.2 
8515 5.3 
- 7.4 
B-V 
m 
+.90 
. 60 
. 76 
.54 
.64 
.47 
.54 
-
.51 
.78 
1.51 
1.44 
.78 
.68 
. 48 
.65 
. 49 
Sp. 
G2V 
G8V 
F8IV-V 
G2V 
F6V 
F9V 
KOV 
KOV 
gK5 
K3III 
G8IV 
G5IV 
F8V 
GOV 
w 
w 
M 
V 
+2 
+3 
+4 
+5 
+6 
FIGURE 3. 2. 
NGC 752 
M67 
NGC 188 
0.4 0.6 0.8 
C 
HR diagram for most of the program dwarfs and subgiants. 
C is the B-V color corrected for line blanketing. The 
stars near the main sequence and C = 0.6 are mostly 
metal-poor, and thus probably are slightly evolved from 
a somewhat lower main sequence in the diagram. The con-
siderable age spread in the stars is evident. 
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TABLE 3. 3 
GALACTIC ORBITAL PARAMETERS 
Star e h Source Star e h Source 
8 Hyi .18 222 5 HD122563 .81 59 1 
T Ceti • 3 294 2 a. Cen .1 267 2 
K Ceti .o 260 2 f,: Boo .1 266 2 
s' Ret . 2 225 2 5 Ser .3 255 2 
e Eri .40 170 1 \)2 Lup .41 203 5 
10 Tau .03 251 5 y Ser . 3 221 2 
0 Eri .23 292 5 HD148816 .70 70 1 
02 Eri .34 253 1 36 Oph .1 233 2 
a. CMi <.l 256 2 HD157466 . 2 273 4 
HR 2998 .16 235 5 70 Oph <.l 245 2 
HR 3018 .47 209 5 HD174323 .72 75 1 
HR 3578 .35 172 1 HD180928 .78 59 1 
HR 4134 .2 229 3 31 Aql .35 241 5 
HR 4523 .19 227 5 HD183877 .61 105 1 
8 Vir .2 268 2 y Pav .4 309 2 
HR 4587 .10 248 5 \) Indi .42 173 1 
HD114762 . 2 215 4 HD215257 .4 290 4 
HD115577 .50 145 1 
Sources: (1) Eggen (1964b) 
(2) Eggen (1962) 
(3) Eggen (1972) 
(4) Sandage (1969) 
(5) Hearns haw (1972) 
Notes: (i) One place values fore are estimates from 
Figure 1 of Eggen (1964b) , using the 
published space velocities 
(ii) h = 250 + 15 +Vin units of 10 kpc.km/s, 
where Vis the space velocity in the 
direction of galactic rotation 
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for the binaries, then roughly calibrates these estimates on an absol-
ute scale (Wilson 1968), and finally gives absolute data for the Hyade s 
and a number of field stars (Wilson 1970). Comparison of these data 
shows that~ Boo, 70 Oph, and 36 Oph may very well be as young as the 
8 Hyades (-4 x 10 years), although it is probably best not to rely on 
this estimate too strongly. 
While it is therefore apparent that in the present sample are 
stars with a large range of ages, it is also desirable to discrimin-
ate between halo objects and disk objects on the basis of crbital 
parameters, since the other available age-dating techniques cannot 
separate these in time. Table 3.3 lists orbital angular momenta and 
eccentricities (as defined by Eggen, Lynden-Bell, and Sandage 1962), 
and their sources. Present are stars leading the sun with moderate 
eccentricities and high angular momenta, ranging to ones with cir-
cular orbits, to extreme halo objects with low angular momenta and 
large eccentricities. 
As will emerge from data analyzed in this chapter, the range 
in absolute heavy element abundances in the sample is a factor of 30 
or so. Considering the ranges of all these parameters, one may 
suppose that they are together sufficient to elucidate at least the 
gross aspects of abundance evolution. 
3.3 OBSERVATIONS AND REDUCTIONS 
The data for this study have been secured with the echelle 
grating system on the Mt Stromlo 74" telescope, as described in 
Chapter II. Forty-seven nights were assigned to the project; eleven 
nights were clear, and seven partially clear. Table 3.4 gives the 
stars observed, the number of plates taken, whether or not the 
aplanatic sphere was used, the adopted R-I color on the Kron system, 
and the sources of these. 
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TABLE 3.4 
PLATE AND PHOTOMETRY DATA 
No. of Apl. R-I Source Star No. of Apl. R-I Source Star Plates Sph? k Plates Sph? k 
s Hyi 4 no .22 2,3,5 HD122563 5 yes .41 4 
T Ceti 5 no .28 3,4 Ct Cen 4 no .22 3 
K Ceti 3 no .23 3,4 ~ Boo 2 yes .28 8 
s' Ret 4 no .22 3,4 5 Ser 3 no .17 5 
e Eri 2 no .27 3,5 \)2 Lup 4 yes .28 2 
10 Tau 2 no .21 2,4 y Ser 2 no .14 3,4 
cS Eri 4 no .33 2,3,5 HD148816 4 yes .18 1 
02 Eri 1 no .31 3,4 36 Oph 5 both .30 3,5 
Ct CMi 4 no .13 3,5 HD157466 5 yes .18 1 
HR 2998 3 both .32 2 70 Oph 4 both .26 8 
HR 3018 5 no .24 2 HD174323 2 yes .65 1 
HR 3578 4 yes .21 1 HD180928 2 yes .61 5 
HR 4134 2 no .18 6 31 Aql 2 no .21 2 
HR 4523 4 no .22 2 HD183877 4 yes .26 1 
s Vir 6 both .17 3,4 y Pav 4 no .19 3,4 
HR 4587 3 yes .27 1 \) Indi 5 both .29 1 
HD114762 3 yes .21 7 HD215257 3 yes .22 1 
HD115577 3 yes .38 1 SKY 6 both 
Sources: 1) Eggen, private communication (1973) 
2) Hearn shaw (1972) 
3) Kron, Gascoigne and White (1957) 
4) Johnson et al . (1968) 
5) Johnson et al . (1966) 
6) Mendoza (196 7) 
7) Argue (1967) 
8) Breckenridge and Kron (1964) 
Direct intensity tracings of this plate material have been made on 
the observatory's Gottingen rnicrophotometer, and a half of echelle order 
110. 60, from A4108 to A4138 ~' has been examined. Lines chosen for 
measurement in this region include the survey lines, over a dozen unblend-
ed FeI lines, to be used to derive each star's curve of growth, and 
several other FeII and rare earth lines. 
Determination of the continuum level has been guided by inspection 
of the Utrecht solar atlas (Minnaert et al . 1940) for the dwarf and sub-
giant stars, and by the Arcturus atlas (Griffin 1968) for the giants. 
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The spectral region under discussion is somewhat crowded, and the con-
tinuum level not particularly well defined, so care has been exercized 
to be consistent in drawing the level in. The resolution of the data 
is sufficiently close to that of the solar atlas to make a detailed 
comparison justified. 
An average spectrum zero has been found by tracing above and 
below the spectrum. Because of non-uniformities in the image tube 
background, the zero varies considerably both along, and above and 
below, the stellar spectrum. Care has especially been taken to locate 
the survey lines in a region of uniform background. 
Equivalent width determinations have been made using a triangle 
approximation to the line shape, and measuring the central depth, the 
full-width-at-half-depth of the line, and the dispersion along the 
tracing. As the last varies up to several per cent along echelle 
orders, it has been accurately derived along each tracing, and inter-
polated to give the dispersion at the line position in question. The 
area of the triangle so estimated is then multiplied by 1.10 to yield 
the area of the line itself. This factor gives an area slightly in 
excess of a pure gaussian profile (for which the factor is 1.06), and 
hence should be a reasonable approximation to the area of a Voigt pro-
file. Comparison of the equivalent widths thus determined, and ones 
made with a planimeter on the actual line profiles is shown in 
Figure 3.3. The scatter is seen to be rather less than the 10-15% 
plate-to-plate scatter discussed in §2 .5. 
Care has been taken to ensure that equivalent widths from both 
straight and aplanatic sphere plates are on the same instrumental 
system. As shown in Figure 3.4, over the range of line-strength of 
interest, the two sets of data are indeed directly comparable. Hence 
no corrections at all have had to be applied to the different data. 
100 
Planimeter 
50 
0 
0 50 100 
WA (iJ{) Triangle Approximation 
FIGURE 3.3. Equivalent widths measured by direct planimetry of line pro-
files vs. ones derived by the triangle approximation (s ee 
text), for a single plate of a Cen. The average scatter 
between the two methods of measurement is seen to be consid-
erably less than the plate-to-plate scatter (cf. Figure 
3.4), so the triangle approximation should be entirely 
adequate for the studies reported here. 
100 
50 
0 
0 
FIGURE 3. 4. 
50 100 
WA (roR) 1 ~/mm 
Equivalent widths measured from straight 32" camera 
plates (1 i;mrn) vs. measurements of the same lines 
on aplanatic sphere plates (2 i;rnrn). Each point is 
a single line measured on a single plate. The line 
drawn through the points is not a best-fit one, but 
represents equality of the different results. 
Clearly, over the line strength range of interest, 
20-100 ~, the two sources of data give the same 
results on average. The -10% plate-to-plate 
scatter is also evident. 
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In Table 3.5 is presented the raw measurements of the survey 
lines, with their standard errors . Also included are results from 
plates of the daylight sky, to be used in deriving abundance ratios 
relative to the sun. Measurements of the FeI and II lines, used in 
obtaining each star 's curve of growth, absolute abundance level, and 
P , are given in Appendix A. 
e 
Except for the plates of HD 122563, each plate has been measured 
separately, and the final results averaged. For that star, however, 
the lines are so weak that it was decided to digitally average the 
five spectra before measurement. This procedure does not then yield 
an estimate of the error of measurement, although for such weak lines 
it must be larger than usual. 
3.4 ANALYSIS 
Relatively weak lines have been chosen for this survey, and the 
observations restricted mainly to dwarf stars of near solar temperature. 
These restrictions should ensure a simple and straightforward inter-
pretation of the data in terms of relative abundances. Nevertheless, 
the accuracy of the final results can only be as certain as the 
interpreting theory applied. In this section, therefore, an analysis 
using the assumption of local thermodynamic equilibrium (LTE) is first 
discussed, and then the effects of dropping this assumption are 
estimated. In this way, it is hoped that a realistic assessment of 
the uncertainties in the theory can be made. 
a) LTE Analysis 
i) Weak Line Theory. The theory of the formation of weak spectral 
lines in late type stellar atmospheres due to Pagel (1964) has been 
Star EuII :\4129 BaII A4130 
f3 Hyi 76±2 57±3 
'[ Ceti 81 2 38 4 
K Ceti 71 6 56 4 
s' Ret 71 5 52 5 
e Eri 73 1 38 9 
10 Tau 75 4 48 5 
8 Eri 135 8 76 6 
2 . O Eri 110 - 49 -
Cl CMi 70 6 63 3 
HR 2998 106 3 60 4 
HR 3018 54 4 22 2 
HR 3578 53 3 27 3 
HR 4134 80 8 60 2 
HR 4523 78 7 52 5 
s Vir 78 4 58 4 
HR 4587 88 7 60 5 
HD114762 49 1 30 4 
HD115577 193 5 79 3 
HD122563 11 - - -
Cl Cen 75 2 49 4 
TABLE 3. 5 
RAW SURVEY LINE MEASUREMENTS (~) 
FeII A4128 Star EuII ;..4129 
54±1 ~ Boo A 61±1 
34 2 5 Ser 98 3 
53 5 \J 2 Lup 68 4 
48 3 y Ser so 6 
34 3 HD148816 41 4 
68 5 36 Oph A 80 5 
52 7 36 Oph AB 72 6 
48 - HD157466 46 2 
85 6 70 Oph A 68 1 
56 1 70 Oph AB 81 4 
28 2 HD174323 252 4 
38 4 HD180928 273 1 
62 5 31 Aql 115 12 
47 3 HD1838 77 73 6 
62 2 y Pav 30 2 
53 1 \) Indi 55 4 
36 4 HD215257 48 8 
54 5 SKY 61 3 
18 - SKY (A. S.) 58 1 
53 2 
BaII \4130 
44±5 
73 5 
40 5 
so 6 
21 2 
59 5 
41 3 
36 5 
38 1 
57 6 
125 8 
115 2 
70 1 
38 5 
22 2 
21 2 
32 5 
45 4 
44 2 
FeII A4128 
37±3 
89 5 
48 4 
so 8 
31 3 
28 1 
32 2 
45 1 
30 2 
46 2 
so 12 
47 3 
64 3 
46 4 
34 2 
28 2 
41 3 
49 4 
48 3 
w 
~ 
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used here. His theory is differential, and is related to coarse 
analysis in that it uses mean parameters to describe line formation, 
but is more general. It neglects saturation and damping effects, and 
treats the curve of growth (or saturation curve) simply as a relation 
between the actual measured equivalent width and that width calculated 
in the weak-line case. LTE, H opacity, and a universal atmospheric 
temperature structure in terms of mean optical depth are assumed, and 
the effects of the weighting function, such as used in fine analyses, 
are included. 
The theory may be extended somewhat by relaxing the assumed 
constraints on the various temperature parameters (for ionization, 
excitation, etc), which are then determined as a part of a best-fit 
solution for the spectrum of each atomic species. Thus the differ-
ential excitation temperature for FeI may differ from that of NaI, 
or even FeII. 
For elements that are predominantly once ionized throughout 
the atmosphere, as is the case for the elements and stars under dis-
cussion, fairly accurate equations describing line-strength behavior 
may be derived. For lines of neutral species one has 
. 
[X] (3.1) 
and for lines of ionized species, 
(3.2) 
where [Q] = log Q(star) - log Q(sun), Q being any quantity; Xis the 
weak-line equivalent width (or alternatively the desaturated equiva-
lent width); (N+/H) is the ratio of the abundance of the ionized 
species under discussion to the abundance of hydrogen (any slight 
correction necessary to obtain the total elemental abundance may of 
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course be made using Saha's equation); 8 -- 5040 1 "8 u = 8(star) - 8(sun), T 
and the various 6.8's are allowed to be different; I and X are the 
ionization potential of the species, and excitation potential of the 
line, respectively; P is the mean electron pressure; 
e 
the dissociation of H is taken to be equal to 6.8eff" 
and 6.8 for 
As is evident from equation (3.2), the strengths of ionized 
lines depend on P, a parameter which is not particularly well defined. 
e 
Therefore, for the analysis of the survey lines, it should be more 
accurate to use the equation 
68II 
exc 
( 3. 3) 
for the relative strengths of two lines. Also included here are the 
ionization corrections, x. This equation is not only independent of 
II P (except insofar as P affects the x's and 6.8 ), but also of the 
e e exc 
continuum opacity , so long as the lines are near each other. 
ii ) Desaturation. To be able to apply this weak-line theory to 
measurements of actual stellar spectra, it is of course necessary to 
desaturate the measured equivalent widths. To derive a saturation 
curve for each of the program stars, use has been made of the 15 or so 
lines of FeI measured along with the survey lines in each spectrum. 
These lines all have lower excitation potentials of 3.0 + 0.5 eV, so 
any differential temperature corrections to the shape of a saturation 
curve should be very small. It has been assumed throughout that all 
stellar curves of growth can be represented by a fit of the Cowley 
and Cowley (1964) solar curve to the observed data. Desaturation is 
then done using this fitted curve. Only small differences are found 
between curves comparing stellar data to weak-line strengths derived 
from the Utrecht catalog (Moore et al. 1967), from echelle plates 
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of the daytime sky, or from intercomparison of stellar data. Appendix 
B presents the saturation curves of the program stars. The weak-line 
strengths for these plots are an average of the weak-line strengths 
(normalized to solar abundance) found for 13 of the program stars with 
the best data, and the daytime sky spectra. 
The assumption that all single component lines, be they of high 
or low excitation, from neutral or ionized species, obey these curves 
of growth for FeI sets a limit to the accuracy of the present analysis. 
Goldberg et al. (1960), however, have shown that variations in the 
curves for different species are probably small, and so will be 
neglected here. 
A more important source of uncertainty is in the actual fitting 
of the Cowley-Cowley curve to the data. It has been assumed that 
the vertical position of the fitted curve, taken to represent a veloc-
ity parameter of 1.7 km/sin the sun, is the same for all stars unless 
the data definitely require otherwise. The fitting accuracy so 
achieved is about +0.2 km/sin the velocity parameter. 
As it is a single component line, desaturation of FeII A4128 
follows directly from these fitted curves. BaII A4130 should also 
follow directly, but it has been found that weak-line strengths so 
derived lead to a slight dependence of abundance on temperature, at 
constant heavy element abundance. It has therefore been supposed that, 
because of reduced solution, the measurements of A4130.66 in Table 
3.5 include also a component due to CeII A4130.70 (low E.P. 0.56 eV). 
The Utrecht catalog gives this line an equivalent width of 5 ~-
Using this value for the sun, and assuming a constant Ce/Ba ratio, the 
temperature dependent saturation curve for BaII A4130 in Figure 3.5 
has been derived. In no case has the corrected weak-line strength 
resulted in more that about a factor of two difference in the final 
100 
80 
WA(~) 
60 
Measured 
40 
20 
0 
0 20 100 
BaII Weak Line Strength (rJ() 
68 II 
exc 
+. 20 
+.10 
.00 
Without CeII Correction 
200 
FIGURE 3.5. Temperature dependent saturation curves for the measured strength of A4130.7, as functions 
of the BaII A4130.66 weak line strength. 
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abundance, and typically has been much less. 
Because of its very wide hfs, Eull A4129 does not follow the 
saturation curve for single component lines. Instead, to desaturate 
this line a theoretical curve of growth has been constructed with 
the following prescription. The spacing of the hfs components, taken 
from Krebs and Winkler (1960) and Guthohrlein (1968), relative com-
ponent intensities, taken to be those given by Russell-Saunders 
coupling theory (Condon and Shortley 1953), and a meteoritic isotopic 
. 151 153 
ratio ( Eu/ Eu= .92), are employed to calculate the total 
absorption coefficient. This has been done for velocity parameters 
from 1.5 to 2.5 km/s; Figure 3.6 shows the absorption coefficient pro-
file for 2.5 km/s. Curves of growth are then calculated for the 
EuII line and various single component lines with the Milne-Eddington 
model atmosphere and line formation by pure absorption. This calcul-
ation is greatly simplified by use of the Minnaert semi-empirical 
interpolation formula (Traving 1962). The curve for a single compon-
ent line with velocity parameter near 5.0 km/sis found to match 
the calculated Eull curve, which itself is rather insensitive to the 
choice of velocity parameter. A solar saturation curve for EuII A4129 
is then found by shifting the Cowley-Cowley curve from its observed 
position by the amount appropriate to a change in velocity parameter 
of 1.7 to 5.0 km/s. This position for the EuII curve has then been 
assumed to be constant for all program stars. The small size of the 
saturation corrections in most of the stars suggests that errors 
introduced by this method are small. 
The resulting desaturated line-strengths for the three survey 
lines are given in Table 3.6. The errors quoted here are the stand-
ard errors of measurement as magnified by the desaturation process. 
-.10 .00 +.10 
FIGURE 3.6. Absorption coefficient for EuII A4129, for v = 2.5 krn/s 
-2 
and damping parameter a= 10 . Also shown are the hfs 
components with their correct relative intensities, 
151 d 153 
assuming equal abundances for Eu an Eu. Blue is 
to the left. The indicated scale is in R, with the 
151 o Eu zero shown; the isotopic shift is +.025 A. 
TABLE 3. 6 
DESATURATED SURVEY LINE STRENGTHS (~) 
Star Eurr A4129 BaII A4130 FeII A4128 Star EuII A4129 BaII A4130 FeII A4128 
f3 Hyi 85 + 2 85 + 7 98 + 3 E;, Boo A 73 + 9 88+12 59 + 9 
- - - - -
T Ceti 94 2 42 6 43 3 5 Ser 124 6 145 21 425 100 
K Ceti 78 8 82 10 95 18 \J 2 Lup 74 5 45 8 77 12 
l;; ' Ret 78 7 73 12 77 9 y Ser 50 5.5 78 13 85 24 
e Eri 81 1 42 15 43 6 HD148816 41 4 21 2 38 5 
10 Tau 84 6 65 11 178 37 36 Oph A 91 8 82 10 32 2 
0 Eri 210 25 117 19 91 25 36 Op h AB 78 9 45 4 39 3 
o 2 Eri 149 - 59 - 78 - HD157466 46 2 4 2 · 8 69 2 
a CMi 77 8 114 9 360 100 70 Oph A 74 1 43 1 35 3 
HR 2998 140 8 80 9 107 4 70 Op h AB 92 6 70 5 80 13 
HR 3018 55.5 4 22 2 32 3 HD174323 1300 210 - 88 
HR 3578 54 3 28 3 51 9 HD180928 1300 - 210 - 88 
HR 4134 92 12 96 5 137 27 31 Aql 160 25 126 4 149 19 
HR 4523 89 11 73 12 74 9 HD183877 81 9 43 8 71 12 
6 Vir 89 6 92 9 137 11 y Pav 30 2 22 2 43 3 
HD 4587 105 12 87 13 95 3 V Indi 56 4 20 2.5 29.5 3 
HD114762 49 1 32 5 48 8 HD215257 48 8 34 6 59 7 
HD115577 470 30 114 9 99 19 SKY 65 3 57 9 81 13 
HD122563 11 - - - 18 - SKY (A. S.) 61 1 55 4 78 9 
a Cen 84 3 66 8 95 7 
Note: For HD174323 and HD180928, desaturation curves for 1.5 and 1.7 km/s, for FeII and 
BaII, r espective ly, have been used, following Griffin and Griffin (1967). 
J:::,. 
J:::,. 
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iii) Temperatures. Since relative line-strengths here should be 
only slightly dependent on P (mainly through the ionization correc-
e 
tion), the most important parameter to be derived is the stellar 
temperature. It has been decided to base estimates of effective 
temperatures on R-I colors, on the Kron system (Kron et al. 1957). 
The Rand I filters in this system are very broad band, and should be 
little affected by differential line blanketing. Transformations to 
other near infrared photometric systems are readily available (e.g. 
Eggen 1971; Argue 1967), as is an absolute calibration (Johnson 1966). 
From equation (3.3) and the atomic data in Table 3.1, it is 
m 
apparent that an uncertainty of +0.02 in R-I, leading to +0.02 in 
~eeff' translates to about a 13% uncertainty in (Eu/Fe) and (Eu/Ba), 
and to negligible uncertainty in (Ba/Fe). Since these uncertainties 
are less than the typical accidental errors of the desaturated line-
strengths, the use of R-I as an indicator of effective temperature 
should be fully justified. 
One area of concern, however, may perhaps come with the use of 
Johnson's (1966) calibration, determined for normal abundance stars, 
for stars of varying abundance levels. Systematic changes in 
atmospheric structure with metal abundance might lead to systematic 
changes in the temperature-color calibration, and it would be best 
to avoid these if possible. Travis and Matsushima (1973) have 
estimated how large such effects should be from an extensive series 
of model calculations. They find that, at constant R-I, extremely 
metal-poor stars may be up to 0.04 hotter in 8eff than normal stars, 
the exact amount depending on the theory of convection employed. 
They conclude that effects of probably only 0.02 or so are to be 
expected, and these only for extreme subdwarfs. Because the program 
stars are not so extreme, and because the effect is of the same order 
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as the observational uncertainties, it has been neglected. 
The conclusion, therefore, is that for the present purpose of 
deriving 68eff' R-I colors are adequate. To obtain differential 
excitation and ionization temperatures from these effective temperatures, 
one must either do a complete empirical solution for each stellar 
spectrum, or resort to model calculations. The model studies of 
Cayrel and Jugaku (1963) have been used here. These authors have cal-
culated weak-line strengths and mean curve of growth parameters for a 
large number of scaled solar model atmospheres. Because the models are 
only approximate, however, and the gravities held constant, the result-
ing mean temperature parameters must represent only a first approxima-
tion to the correct stellar ones. It will be supposed, nevertheless, 
that they give useful estimates of the correct temperatures, when 
attention is restricted to dwarf and subgiant stars of near solar 
temperature. 
Approximate excitation temperatures for the giants studied have 
been estimated from the Griffins' (1967) analysis of a Boo for 
HD 174323 and HD 180928, and from Pagel's (1965) analysis of HD 122563 
for that star. 
Table 3.7 presents the resulting temperatures, to be used in 
equations (3.1) and (3.3). 68. has been assumed to be equal to ion 
68eff' an approximation justified by Cayrel and Jugaku's work. 
iv) Absolute Abundances. Absolute heavy element abundances, taken 
here to be characterized by [Fe/H] (i.e. assuming [He/H] = .0), have 
been derived from equation (3.1), the FeI data in Appendices A and B, 
and the temperature data in Table 3.7. The results are given in 
Table 3.8. The dominant error in these determinations comes from 
m 
the +0.02 uncertainty in R-I, and is on the order of +O.l dex or so. 
Star 
B Hyi 
T Ceti 
K Ceti 
l';' Ret 
e Eri 
10 Tau 
cS Eri 
2 . O Erl 
a CMi 
HR 2998 
HR 3018 
HR 3578 
HR 4134 
HR 4523 
B Vir 
HR 4587 
HD114762 
HD115577 
8 
eff 
.885 
.95 
.89 
.88 
.94 
.86 5 
1.02 
.99 
.78 
1.00 
.905 
.87 
. 84 
.885 
.82 
.94 
.87 
1.07 
68
eff 
.015 
.08 
.02 
.01 
.07 
-.005 
.15 
.12 
-.09 
.13 
.035 
.00 
-.03 
.015 
-.05 
.07 
.00 
.20 
TABLE 3. 7 
LTE TEMPERATURE PARAMETERS 
6.8 I 
exc 
.03 
.11 
.04 
.02 
.10 
.00 
.20 
.16 
-.09 
.18 
.06 
.01 
-.03 
.03 
-.05 
.10 
.01 
.26 
6. 8rr 
exc 
.02 
.095 
.03 
.01 
.07 
.oo 
.13 
.11 
-.06 
.11 
.065 
.03 
-.01 
.02 
-.03 
.07 
.03 
.18 
Star 
HD122563 
a Cen 
~ Boo A 
5 Ser 
v 2 Lup 
cS Ser 
HD148816 
36 Oph 
HD15 7466 
70 Oph A 
HD174323 
HD180928 
31 Aql 
HD183877 
y Pav 
\) Indi 
HD215257 
SKY 
8 
eff 
1.13 
.885 
.95 
.82 
.95 
.79 
.84 
.98 
.84 
.935 
1.32 
1.30 
6.8eff 
.26 
.015 
.08 
-.05 
.08 
-.08 
-.03 
.11 
-.03 
.065 
.45 
.43 
.865 -.005 
.935 .065 
.85 -.02 
.965 .095 
.88 .01 
.87 .00 
6.8 I 
exc 
.33 
.03 
.12 
-.05 
.11 
-.08 
-.03 
.15 
-.03 
.095 
.33 
.31 
.00 
.095 
-.02 
.13 
.03 
.00 
68rr 
exc 
.19 
.02 
.08 
-.03 
.095 
-.05 
-.01 
.10 
-.01 
.065 
.34 
.34 
.00 
.065 
.01 
.12 
.04 
.00 
it:,. 
-..J 
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This error estimate is corroborated by a comparison of these results 
with similar determinations for some of the stars by Hearnshaw (1972) 
and others. 
TABLE 3.8 
ADDITIONAL ATMOSPHERIC PARAMETERS 
Star 
6 Hyi 
T Ceti 
K Ceti 
s' Ret 
e Eri 
10 Tau 
0 Eri 
02 Eri 
a CMi 
HR 2998 
HR 3018 
HR 3578 
HR 4134 
HR 4523 
B Vir 
HR 4587 
HD114762 
HD115577 
[P ] 
e 
-.2 -.3 
-.6 -.6 
.0 -.1 
-.1 -.1 
-.4 -.3 
-.1 -.3 
-.1 -.7 
- .4 -.7 
+.l -.1 
-.4 -1.0 
-.7 -.4 
-.6 -.3 
-.3 -.3 
-.2 -.1 
+.2 +.2 
+.2 -.1 
-.5 -.2 
-.6 -1.3 
Ix J Fe 
+.01 
-.03 
-.01 
-.01 
-.05 
+.03 
-.14 
-.06 
+.04 
-.03 
+.01 
+.03 
+.04 
.00 
+.02 
-.12 
+.02 
-.10 
Star 
HD122563 
Cl Cen 
E;, Boo A 
5 Ser 
\)2 Lup 
y Ser 
HD148816 
36 Oph 
HD157466 
70 Oph A 
HD174323 
HD180928 
31 Aql 
HD183877 
y Pav 
\) Indi 
HD215257 
-2.7 
-.1 
-.4: 
+.2 
-.6 
.0 
-.3 
-.4: 
-.3 
- .1: 
-.5: 
-.7: 
+.7 
-.4 
-.5 
-1.2 
-.5 
[P ] 
e 
-3.0 
-.1 
-.6 
-.2 
-.6 
+.3 
+.l 
-.6 
-.1 
-.1 
-3.1: 
-3.1: 
+.4 
-.4 
-.2 
-1.0 
-.3 
[x ] 
Fe 
-.01 
-.02 
+.04 
-.01 
+.03 
+.01 
-.08 
+.03 
-.11 
-.27 
-.19 
-.06 
-.02 
+.03 
+.01 
+.02 
v) Relative Abundances. The additional atmospheric parameters 
necessary for the application of equation (3.3) to the survey data are 
also given in Table 3.8. [P] is derived from equations (3.1) and (3.2), 
e 
and the relative shifts of the curves of growth of the 15 FeI and 
3 FeII lines in each star . This parameter is then used to derive the 
ionization corrections, [x], again assuming 68. = 68 ff. ion e Finally, 
the application of equation (3.3) to the desaturated survey lines 
yields the results in Table 3.9. The errors quoted here include both 
the standard error of measurement, as propagated through desaturation, 
and an error of ±0~02 in R-I. The entries are ratios normalized to the sun. 
~ 
TABLE 3. 9 
FINAL ABUNDANCE RATIOS 
Eu Eu Ba Star Eu Eu+ Ba Star - ± er. - + er - ± er. - ± er. - + er Ba - . 13 _ er. Fe - . Fe Fe Fe a . 
s Hyi 1.01±.14 .79±.13 1.25±.11 a Cen . 97±.16 1.01±.19 1.01±.14 
'T Ceti 1.47 .25 1.11 .21 1.34 .11 ~ Boo A . 96 .13 . 65 .11 1.48 .21 
K Ceti . 84 . 21 .70 .15 1.21 .28 5 Ser .48 .13 .94 .19 . 52 . 15 
l,:' Ret 1.18 .24 .90 .21 1.33 .27 v 2 Lup . 6 7 .14 . 81 . 19 .83 .20 
e Eri 1.40 .27 1.11 .43 1.28 .49 y Ser 1.07 . 35 .79 .19 1.37 .45 
10 Tau . 64 .16 1. 16 . 26 .57 .15 HD148816 1.49 .31 1.87 .36 . 80 .13 
0 Eri .97 .32 . 70 . 17 1.40 .45 36 Oph A 1.65 .26 .53 .10 3.14 . 44 
o 2 Eri 1.10 . 3: 1.14 . 3: .98 . 2: 36 OphAB 1.16 .19 . 83 . 16 1.41 .20 
a CMi .72 .23 1.21 .23 . 56 .16 HD157466 .97 .16 1.06 .26 .92 .18 
HR 2998 .82 .12 . 78 . 15 1.07 .13 70 Oph A 1.41 .21 1.02 .12 1. 39 .13 
HR 3018 1.50 .27 1.50 .26 1.01 .13 70 OphAB .87 .14 .68 .15 1.29 .23 
HR 3578 1.19 .27 1.44 .26 .84 .18 HD174323 1.5: - . 7 : - 2. 2: 
HR 4134 .99 .27 .92 .18 1.09 .22 HD180928 1.5: - . 7 : - 2. 2: 
HR 4523 1.36 .29 .97 .24 1.42 .28 31 Aql 1.19 .28 1.14 .23 1.06 .14 
s Vir 1.03 .17 1.06 .19 . 99 . 13 HD183877 . 94 . 2 3 1.12 .29 .85 .21 
HR 4587 .70 .13 . 70 .16 1.02 .08 y Pav . 89 .15 1.15 .20 . 78 . 09 
HD114762 1.12 .24 1.14 .24 1.00 .23 \) Indi 1. 21 . 20 1.18 .21 1.03 .17 
HD115577 1.63 .39 1.18 .20 1.39 .29 HD21525 7 . 84 . 20 .98 .26 .87 .18 
HD122563 .26 .08: 2.36 . 7: .11 . 01 SUN 1.00 - 1.00 - 1.00 -
Notes: 1) (Ba/Fe) for HD122563 is from Pagel (1965), as BaII A4130 is too weak to measure. 
2) For 36 Oph A and AB, composite photometry has been used for the analysis, assuming 
equal components; this is clearly not correct. 
3) For 70 Oph A and AB, photometry supposedly of the primary alone has been used for 
both analyses; some slight contamination in the photometry may be indicated here. 
,t,,. 
\!) 
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The ratios (Eu/Fe) and (Ba/Fe) have also been calculated for 
the dwarfs and subgiants using an average of all three measured FeII 
lines . The results for all cases agree to within twice the quoted 
error estimates , and for all but four stars agree to within the estim-
ates themselves. 
b) Non-LTE Effects 
The accuracy of the final abundance ratios derived in the last 
section dependson the accuracy of the approximation of local thermo-
dynamic equilibrium (LTE). Although it is usually felt that this 
approximation should be adequate for weak lines such as used here, it 
is instructive, and desirable, to estimate what the magnitude of any 
non-LTE effects might be. 
The nature of non-LTE phenomena in the stellar spectra of trace 
elements has been discussed by Johnson (1963), Pagel (1964), and others, 
and recently Canfield (197la,b) has given a theory that is applicable 
to the present study. 
Canfield 1 s theory assumes that an element under discussion has 
sufficiently low abundance that all its spectral lines are optically 
thin. Hence the background continuum radiation remains unaffected by 
the presence of the spectral lines, and in turn effectively determines 
the incident radiation field . If there are sufficiently many energy 
levels in the species so that interlocking via permitted radiative 
excitations and deexcitations occurs, and if the levels of interest are 
of low excitation compared to the continuum, then this radiation field 
will (in solar type stars for lines in the visible, at least) also 
determine the equilibrium energy level populations. 
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The line source function is first written (cf. Jefferies 1968) 
f JVQVdV + E B(Te) + n B(T*) 
1 + E + n I 
where J is the mean intensity; Q is the profile of the line absorp-
v V 
tion coefficient; Eis a coefficient expressing the relative importance 
of collisional excitation; B(T) is the Planck function at the local 
e 
electron temperature; n is a coefficient expressing the relative 
importance of all indirect transitions between the line's two levels; 
and B(T*) is the Planck function at some temperature T*, which gives 
the relative level excitations due to these indirect transitions. In 
the present approximation the first term in the numerator is just J. 
V 
Canfield next shows that for the second spectrum of a typical rare 
earth(EuII for example, but perhaps not for BaII), sis an order of 
magnitude less than n, and in the relevant optical depths in the solar 
atmosphere, n - 1. In addition, because the excitation of a given level 
depends on the excitation of all the other levels through the radiation 
field, this excitation may be characterized by a mean field, 
J = B(T* = T ) . 
v ex 
If the Planck function is taken to be linear in continuum optical 
depth, 
B (T) = B (0) 
V C V 
(1 + f3 T ) , 
C 
then the mean intensity is (Kourganoff 1952) 
and in the present approximation, with E << n - 1, the line source 
function may be written, 
S ~ ~{J (T , S ) + J (T ,S ) } 
L \) C C \) C ex 
f3 + f3 
( e ex) = J T ,--2---
\) C 
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(3.4) 
Here the S 's represent the slopes of the Planck function, or equival-
ently the limb darkening coefficients, for the continuum (S) radiation 
C 
near the line, and for the excitation radiation field 
be representative of some mean wavelength. 
The total source function is then, 
s = 
\) 
S + r B 
L \J \J 
1 + r 
\) 
I 
(S ) , taken to 
ex 
(3.5) 
where rv = Kc/K£ is the ratio of continuum to line absorption coeffic-
ients, and B is the continuum source function. The residual intensity 
\) 
at line center, at positionµ= cos 8 on the solar or stellar disk, is 
next found from the equation, 
(3.6) 
where T =Tc+ 1"£ is the total line c~nter optical depth. 
To sufficient accuracy for the present purposes, equation (3.6) 
may be evaluated using the Eddington-Barbier relation (c f . Athay 1972, 
Chapter V) for the specific intensity, 
I (1 1) = S ( T = 11) 
\)t--' \) t--'I ( 3. 7) 
or in integrated light, for the net flux, 
H = \ S (T 
\) \) 
In order to solve these equations, Tis written as a function of T , 
C 
T = 
1 + r (T) 
\) C 
r (T ) 
\) C 
T , 
C 
( 3. 8) 
and the depth dependence of r is approximated by 
\) 
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r (T ) = r(l) 
\) C 
T 
C 
a. (3.9) 
Thus the line center residual intensity in a stellar spectrum is given 
by H 
0 
-= 
H 
C 
2 S (T (T = -) ) 
\) C 3 
2 
B (T = -
3
) 
\) C 
(3.10) 
Of the three survey lines, EuII A4129 most readily satisfies the 
approximations in the theory. In particular, it is the least saturated, 
and hence least disturbs the continuum radiation field. Even so, the 
line is strong compared to the lines studied by Canfield, and the 
results to be derived here should probably be considered as upper limits 
on the true deviations from LTE. 
Because both A4129 and all other strong, low excitation EuII 
lines are in the blue, solar values of the B's may be taken to be 
S = S - 5, the limb darkening coefficient near A4000 ~ (see Allen 
c ex -
1963). S may in fact be somewhat reduced from this value, due to 
ex 
blending effects, but for a first approximation will be left equal to 5. 
From the equation for the differential line-to-continuum absorp-
tion used in LTE theory, 
-[r] 
\) 
= [N+] 
NH • X - o.75 68eff' (3.11) 
the variation of r for EuII A4129 in the solar atmosphere is found to 
\) 
be characterized by a value of a.= 0.7 or 0.8 in equation (3.9). 
Similarly the central depth at disk center, taken to be 0.65 of the 
continuum height (cf. Hauge 1972), is reproduced by r(l) = 2.0. This 
uncoupling of r from the non-LTE equations is justified because the 
\) 
lower level of EuII \4129 is the ground state of the ion, whose pop-
ulation should not differ greatly from the LTE value. 
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These parameters may be tested empirically using data from 
Menzel (1931), and from unpublished tracings of a new double pass Kitt 
Peak atlas of the solar spectrum. 
Menzel's data consist of moving plate spectra taken near third 
contact of the 1905 total solar eclipse. His spectra show that EuII 
A4129 is in emission at least forµ< 0.12, whereµ= 0.12 is the edge 
The application of equations (3.5) - (3.10), with of the plate. 
r(l) = 2.0, a = 0.7, and S = S = 5, does in fact result in a pre-
c ex 
dieted emission line with I /I - 1.05 atµ= 0.12. 
0 C -
The Kitt Peak data show that EuII A3972, located in the CaII H-
line which thus provides an effective continuum opacity enhancement of 
a factor of 2.7 or so, is a weak absorption line atµ= 1.0 (with a 
dip - 0.97 of the local continuum), reversing to emission at about 
µ = 0.2. The localized continuous opacity enhancement results in B 
C 
being replaced by B /2.7 in the equations, but has no effect on B 
c ex 
It is found that r = 4.0 T 0 · 7 reproduces these observations satis-
v C 
factorily (I /I = 0.964 atµ= 1.0, and I /I = 1.008 atµ= 0.2). 
0 C O C 
Furthermore, the ratio gf(A4129)/gf(A3972) predicts an r(l) = 3.7, 
which is acceptably close to 4.0. 
In the absence of more precise data on which to base a choice 
of parameters, it can only be concluded that Sc= B - 5 and r 
ex - V = 
2 o. 7- 0 - 8 d · f ·1 d h b d b h . . OT o satis actori y repro uce t e o serve non-LTE e avior 
C 
of EuII A4129 on the solar disk. It should be noted at this point 
that these parameters predict a central intensity for A4129 of 0.65 
in non-LTE, and 0.625 in LTE (i.e. with S = B(T (T = 1.00))) at disk 
L C 
center. These values almost completely account for the central 
intensity discrepancy noted by Hauge (1972, Figure 1) for the line. 
Thus if there is indeed any problem of fitting the observed profile, 
it probably comes only in the blue wing. 
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To estimate the ord r of magnitude of these effects in stellar 
spectra, LTE and non-LTE calculations have been done, using equation 
(3.11) with mean parameters from Cayrel and Jugaku (1963), and the 
equation 
[S] = [S eff] · (3.12) 
1 The results, for 68eff = 0.0, +0.07, and for normal and 10 times 
normal abundances, are given in Table 3.10. Systematic effects of 10-
15% seem to be possible due to deviations from LTE. 
TABLE 3.10 
NON-LTE CALCULATIONS FOR EuII A4129 
H H WA (NLTE) 
68
eff B =B r (1) H
0 (NLTE) Ho(LTE) 
C ex WA (LTE) 
C C 
+.07 5.42 1.74 .586 .499 .826 }* .00 5.00 2.00 .627 .554 .836 
-.07 4.60 2.82 .718 .676 .870 
+.07 5.42 8.13 .889 .875 .888 } ** .00 5.00 11.75 .921 .912 .897 
-.07 4.60 23.44 .963 .958 .881 
*Solar Abundances 
1 
**10 x Solar Abundances 
It should be emphas ized that these effects are due largely to 
changes in the effective weighting function, to use the terminology 
of LTE theory, and only indirectly to changes in level population. 
It is because very small changes in temperature produce rather 
large changes in the exponential (blue) tail of the Planck function, 
that there is cause for care. In the red end of the visible solar 
spectrum, the gradients of B are small, and small systematic tempera-
\.> 
ture deviations have little effect. Impressive evidence of the situa-
tion is seen on Menzel's plates, where at A5000 i there are only weak 
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emission lines at disk edge; however , the emission strengths gradu-
ally become stronger and stronger toward the blue, as the Planck func-
tion gradient increases . 
A non-LTE discussion of BaII A4130 is hampered by the larger 
abundance of Ba , so that not all its lines are weak , by the relative 
paucity of energy levels in BaII, so that interlocking may not occur, 
and by the lack of any lines in the wings of CaII Hor K, with which 
a theory might be tested. Menzel's reproduced plates do show BaII 
A4130 in emission inside the solar limb, so it may be supposed that 
the non-LTE effect under discussion is operating here too. Therefore, 
the only systematic difference between abundances derived from the Eu 
and Ba lines should be due to a slight overpopulation of the lower 
level of BaII A4130 (at 2.72 eV excitation). Because the overpopula-
tion of the upper level of EuII A4129 (at 3.0 eV excitation) has been 
seen (Table 3 . 10) to lead to lines 10-20% weaker than LTE lines (at 
normal abundances ), it may be that the lower level of BaII A4130 will 
also be overpopulated by, say, 10% . Then, because the non-LTE/LTE 
difference is magnified in the final abundances by the desaturation 
process used , and because this difference is much smaller for a tenth 
solar abundances , the net effect should be manifest in Table 3.9 as a 
small increase in the (Eu/Ba) ratio, by perhaps 10% or so, as the 
abundance level decreases to a tenth solar. 
Such an effect (of some 15% in the predicted direction) is 
indeed observed in the final (Eu/Ba) ratios, as discussed in the next 
section (§3 . 5). Whether this systematic effect is in reality due 
entirely to the non-LTE phenomenon described here, or to some less 
esoteric effect , such as a systematic error in estimating the excita-
tion temperature , is not known . But at least one can say that system-
atic effects less than or on the order of the 20% random errors of 
measurement are not to be believed . 
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Discussion of FeII A4128 has been left until last, because of 
two perhaps serious problems with the FeII spectrum. First, the strong-
est lines of FeII are in the extreme UV, and, if published gf values 
are correct, are very much weaker than they should be (Athay and Lites 
1972). Second, the FeII line at \3969.40 is in CaII H, and exhibits 
quite anomalous behavior across the solar disk, which cannot easily be 
explained by Canfield's interlocking effects (Engvold and Halvorsen 
1973). Thus, even though Menzel 's plates show an extreme limb behavior 
similar to A4130, it would seem best not to attempt any non-LTE pre-
dictions for A4128. Suffice it to note, then, that the systematic 
effect found in (Eu/Ba) is almost identical to that . in (Eu/Fe), so 
perhaps the behavior of FeII A4128 and BaII \4130 are not so very 
dissimilar after all. 
To conclude, it has been suggested that, over the range of 
abundances under discussion, systematic non-LTE effects on the order 
of 10% in the ratio of Eu to Ba, and perhaps also to Fe, may be 
expected when using the survey lines. It is not expected, however , 
that there should be any non-LTE effects which might introduce 
apparently random variations at a given abundance level, so the search 
for fluctuations in relative abundances will not be affected. 
3.5 RESULTS AND DISCUSSION OF ERRORS 
Before a discussion of the implications of the results in 
Table 3.9 can be made, several stars require special mention. For the 
two giants HD174323 and HD180928, in particular, the quoted results 
are uncertain. In these stars the continuum placement is highly un-
certain; because of their low temperatures, BaII A4130 .66 has clear-
ly become blended with both CeII \4130.70 and CoI A4130 .54; and 
comparison of FeI and FeII line strengths suggests that iron is not 
II 
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completely ionized throughout the atmospheres of the stars, thus mak-
ing the application of Pagel's theory somewhat doubtful. The abund-
ance ratios given for these stars, therefore, are most probably 
entirely consistent with their being normal. 
The primary components of the nominally young binary stars, 
~ Boo, 36 Oph, and 70 Oph, have been analyzed using, for~ Boo and 70 
Oph, photometry of the separated components from Breckenridge and 
Kron (1964), and for 36 Oph, composite photometry from Kron et al . 
(1 957) , assuming equal components. That there may be certain problems 
with the results so derived is suggested by two observations. First, 
spectra of 70 Oph, of both the primary alone and both components 
together , show quite large differences in equivalent widths of the 
survey lines (see Table 3.5). Hence, were there some contamination 
from the secondary in the spectrum of the primary supposedly alone, it 
would have fairly gross effects. Similarly, spectra of 36 Oph, of 
one component alone, and then both together, show a rather different 
appearance around BaII A4130. It can only be concluded, therefore, 
that the two components are in fact not precisely alike, and the 
derived results are put into question. Since contamination problems 
may have been initially underestimated for these two binaries, it 
follows that the data for~ Boo should also be regarded with caution. 
However, even with these suspected problems, the abundance ratios 
found for the three stars are sufficiently close to normal that they 
most likely may be taken as such. 
HD122563 is an extreme halo giant. The parameters used in the 
analysis of the present data (for Eu and Fe) are from a careful study 
by Pagel (1965), and with these parameters it does not seem possible 
to obtain a normal (Eu/Fe) ratio. The star would therefore seem to 
present a prime example of the kind of abundance fluctuation which is 
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being sought . The attitude to be taken here , however, will be that, 
because the star's (Eu/Ba) ratio lies on an extension of the system-
atic trend with abundance found for the other stars (see below), it 
may well in fact not be abnormal. That is, there may be some non-
nuclear process which lowers the abundances of all heavy elements 
systematically, relative to iron. To rule out conclusively the action 
of such a process it will be necessary to find a star at this abund-
ance level with a significantly different (Eu/Ba) ratio to that in 
HD122563. Having taken this view, the star will henceforth be excluded 
from discussion, at least until data on more such extreme stars are 
available. 
The remaining sample , after exclusion of these six objects, 
consists of 29 dwarfs or subgiants of near solar temperature, of vary-
ing kinematic and composition parameters, for which a set of homo-
geneous data has been obtained. The final abundance ratios for this 
sample, given in Table 3.9, are displayed in Figure 3.7. 
The average standard errors in Table 3.9 are found to be 22%, 
21%, and 20%, for (Eu/Fe), (Eu/Ba), and (Ba/Fe), respectively. Again, 
these errors include the formal errors of measurement, as propagated 
through desaturation, and a +0~02 error in R-I. 
Other sources of error undoubtably include the derived satura-
tion curves, for which an uncertainty of at least +0.2 km/s must be 
present. For strong line stars, errors in the curves of this order 
may well contribute as much as 10% to the scatter of the final results, 
the effect being strongest for the Eu ratios and smallest for (Ba/Fe). 
In addition, if there are small atmospheric changes with gravity, 
when going from dwarf to subgiant, there will appear an increase in 
the final scatter, because all stars are considered together. 
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FIGURE 3.7. Histograms of the normalized Eu and Ba ratios, 
grouped in bins of ±10%, for the 29 program 
stars with reliable data. The superimposed 
curves are the a priori expected normal dis-
tributions, with o = ±25%. 
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These and other effects may tend to increase the dispersion of 
the final results, but it would seem unlikely that their combined 
effects should exceed 10-15%. If this is so, then the total expected 
scatter in the final abundance ratios should be about 25%. This 
value (squared) has therefore been taken to be an a priori estimate 
of the variance of the sample due to observational and theoretical 
uncertainties. In Figure 3.7 is also shown the normal curve with 
this variance superimposed on the data. 
It is clear that this 25% accounts for most, if not all of the 
observed dispersion. Of the three ratios, perhaps only (Eu/Fe ) may 
show some small excess width. 2 2 AX test on this ratio gives X = 
36.6, and for 28 degrees of fre edom one has a probability of 
2 P(X > 36.6) = 14%; 
this excess width. 
hence no real significance may be attatched to 
2 X tests on the other two ratios give probabilit-
ies of some 35% for each, so one may conclude that overall the a prior 
error estimates satisfactorily account for the observed dispersion. 
The data may be separated into groups according to the various 
kinematic and composition parameters of the stars, to see if there are 
any small effects hidden in these results. In Figure 3.8 is shown a 
separation into three groups of different absolute abundance level. 
The grouping here is more or less arbitrary, but is done to ensure an 
adequate number of stars in each group. Immediately evident is the 
cause of the slight excess width in the (Eu/Fe) distribution, dis-
cussed above. That is, there is a small, perhaps 15%, systematic 
variation of (Eu/Fe) with abundance level. There may be some of this 
effect in (Eu/Ba) as well. In Section 3.4(b), it has been suggested 
that this variation is at least in part due to non-LTE phenomena; 
perhaps there are also small effects due to the different saturation 
curves used for Eu and for Ba and Fe, or to systematic problems with 
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FIGURE 3.8. Eu, Ba histograms for three ranges of absolute composition . Again,the superimposed 
curves are the expected distributions. The gradual variation of the derived Eu 
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the "8II d . . u erivations. 
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Other than this systematic variation, however, 
there appear to be no significant changes with abundance level. 
Figure 3.9 shows a grouping according to orbital angular mom-
entum in the galaxy. Again, the group division is rather arbitrary, 
and is made at the rather high angular momentum of h = 240 only to 
ensure sufficient objects in the low-h group. Here, too, there is no 
evidence of any change in scatter for the different groups. 
Figure 3.10 shows a grouping by orbital eccentricity. On the 
picture of galactic collapse of Eggen, Lynden-Bell, and Sandage (1962), 
this division ate - 0.4 represents an age separation of those stars 
formed during the actual phase of violent collapse, and those formed 
afterwards. The division here is not the same as one by angular 
momentum, because included in the sample of high-eccentricity stars 
are several objects which lead the sun , i.e. also have fairly high 
angular momenta. 
It is in this grouping that the only possible abundance fluct-
uations have been detected. The (Eu/Fe) ratios for stars with 
e > 0.40 would seem to be distributed in a non-random manner. 2 AX 
2 
test on these stars gives X = 15.5 (for the scatter around the data's 
2 
own mean of 1 .17), and for 8 degrees of freedom, P( X : 15.5) = 5%, a 
value which may be marginally significant. That neither (Eu/Ba) nor 
(Ba/Fe) show any increase in scatter for e > O. 40 arg1.1es against 
significance for the result, of course, but the writer feels that, at 
least for several stars , the data are excellent , and differences are 
indicated. In particular , the stars, y Pav and HR3018 can be singled 
out as providing the best evidence for variations in the Eu ratios. 
These stars both have independent temperature estimates in the liter-
ature : Hearnshaw (1972) gives a very careful determination of fi8eff = 
+o.02 for HR3018, and Danziger (1966) finds ti8eff = 0 .00 for y Pav. 
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FIGURE 3. 11. Single plate, direct intensity tracings of the survey region in y Pav and HR3018. The excess 
(?) strength of EuII A4129 in HR3018 is evident. 
Both results agree well with the values used here (+0.035 and -0.02, 
respectively). Figure 3.11 shows tracings of the \4129 region in 
these two stars ; there does not seem to be any ready reason for the 
difference in EuII \4129 line strength, besides an abundance differ-
ence. Nevertheless, because the effect is only on the order of the 
size of the errors, confirmation of its reality will be necessary, and 
any interpretation in the meantime must be approached with caution. 
It should be mentioned at this point that the writer 's data do 
not confirm Danziger's claim that in y Pav the elements La and Ce are 
over-deficient relative to Ba. If true, such an observation would be 
conclusive evidence thats-process relative abundances have in fact 
evolved in the galaxy. The data available from the present echelle 
observations are discussed in Appendix C; suffice it here to say that 
there is no evidence for any abundance anomalies. Indeed, were 
Danziger's results correct, because Ce and La have some r-process con-
tributions, the relative abundance of Eu should be almost nil, but is 
instead normal. Danziger presents none of his data, so no reasons 
for this disagreement can be given. 
In summary, it has been found that the relative abundances of 
Eu, Ba, and Fe in solar type dwarf stars do not show statistical 
fluctuations above about the 25% level, although fluctuations of this 
order may exist among halo population stars. More, and better, 
observations of halo objects will be required to confirm this last 
result. 
3.6 DISCUSSION OF RESULTS 
The data are thus as yet insufficient to distinguish between 
the following three possibilities: 
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i) That there are in fact no variations in the relative proportions 
of r-, s-, and perhaps even e-process material in the galaxy. If 
this picture is correct, further observations of extreme halo stars 
will not show convincing fluctuations in the relative amounts of ele-
ments of similar atomic weight , say Eu and Ba. In such an event , the 
over-deficiency of the heaviest elements in HD122563 must be caused by 
some non-nuclear phenomenon. It also follows on this picture that the 
synthesis event(s) resulting in the observed U and Th abundances must 
have occurred before the formation of significant numbers of stars in 
the galaxy. 
It is doubtful whether such a lack of variations can ever be 
demonstrated observationally. Should one become able to show an 
absence of fluctuations to the 1 % level, it will always still be 
possible to maintain that the nuclear build-up is in steps of 0.01% 
or so. 
ii) That the nuclear build-up picture correctly describes galactic 
chemical evolution, and that it is only below the one-tenth solar 
abundance level that there are few enough synthesis events involved to 
result in large relative fluctuations of abundances. All stars of 
normal abundance levels would thus consist of elements made in so 
many events that all variations have been averaged out. On this 
picture, further observations of extreme halo stars will show much 
larger fluctuations in (Eu/Ba) than does the present data. 
If this view is held, then the present data can only serve to 
emphasize the paradoxical situation of there existing large fluctua-
tions in absolute abundance levels among stars of a given age in the 
galaxy, but only small relative elemental variations. On one hand, 
the results presented here require that there be very efficient 
mixing in the interstellar medium to maintain relative abundances due 
to different nuclear processes; but on the other, the very existence 
of stellar moving groups, of abundance gradients in the halo, and 
so on, argues that such mixing has not been everywhere extremely 
efficient . 
iii) That there was a certain amount of r-process synthesis at about 
the time of galactic formation, giving rise to the observed U and Th 
abundances, but that this synthesis does not account for all the 
observed stable elements, nor for galactic chemical evolution. Such a 
situation might be revealed observationally by a variation among r-
process abundances, but nots-process ones, in halo stars. In this 
case, stars like HD122563 are very hard to explain. 
Hoyle and Fowler (1963), Anders (19 63) and others have pointed 
out that the abundances of U and Th relative to Pb and the other 
stable elements are poorly known, and that there may not in fact be 
enough U and Th to account for the stable elements, on the usual model 
for the history of synthesis. A satisfactory clarification of this 
187 187 question must probably await a complete analysis of the Re - Os 
decay chronology, it having both a long life and a stable product 
whose initial non-radiogenic abundance may be found (Clayton 1964). 
However, as yet the radioactive chronologies do not provide positive 
constraints on which of the above three possibilities may be correct. 
Recent work (see especially Searle 1971) has demonstrated that 
the abundance of nitrogen, relative to oxygen, and probably also the 
other elements, can vary considerably with radial position in 
galaxies. Because N is not an a-particle nucleus, but does have a 
high abundance relative to Cando, it may perhaps be expected to 
exhibit quite different behavior to those elements in nucleosynthesis 
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events (cf . Arnett 1971). In this sense, studies of its relative 
abundance closely parallel the present work, and might be expected to 
yield a similar picture of galactic chemical evolution. That N and 0 
should show variations with position in galactic disks (and hence 
angular momentum), but Eu and Ba not, is therefore curious. Perhaps 
the present sample of stars is too restricted in some way. Or per-
haps the light elements are indeed intimately connected 1;,.;i th stellar 
evolution , but the heavier ones not; that is, the N phenomenon may be 
a perturbation caused by stellar evolution on the more general, 
possibly unrelated, galactic chemical evolution. Such questions can-
not be answered by mere speculation of course, and so will not be 
pursued any further here . 
3.7 SUMMARY AND CONCLUSIONS 
The relative abundances of Eu , Ba, and Fe have been examined 
in stars of all ages , and over an abundance range from a tenth to 
several times solar . No conclusive evidence for relative fluctuations 
has been found to about the 25% level , although there may exist a 
small spread in Eu abundances among halo stars. Accurate observations 
of more extreme halo objects than studied here should be undertaken 
to confirm this latter effect . 
On the standard explanation for the chemical evolution of the 
galaxy , these three elements ought to present a most favorable in-
stance for exhibiting relative abundance variations . That they do not 
show such fluctuations is therefore puzzling , especially in the light 
of the discovery of nitrogen variations in galaxies. It is clear, 
however , that future work should concentrate on such extremely metal-
deficient stars as HD122563 . Only after the extent and nature of the 
relative abundance variations in such stars are determined, will there 
be hope of completely understanding the metal-weak phenomenon of the 
galactic halo . 
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CHAPTER IV 
ON THE QUESTION OF ABUNDANCE EVOLUTION 
4.1 INTRODUCTION 
The results of the previous chapter suggest that, if the stellar 
nucleosynthesis picture of galactic chemical evolution is correct, the 
various nuclear processes involved must have b een extremely regular and 
well-defined, always producing an abundance curve of similar shape. In 
the present chapter, the evolution specifically of s-process abundances 
in the galaxy is considered, and the question examined of just how well-
defined that process must be. The importance of the behavior of Pb is 
discussed, and observations are presented to define this behavior. The 
picture of synthesis is then followed qualitatively, to see what 
additional predictions may result. Finally, heavy element abundances 
in the extremely metal-poor star HD 122563 are considered, to determine 
if they are in fact consistent with the nuclear theory of s - process 
abundance evolution . 
First , however , in order to be completely clear about the work-
ing picture under discussion, those assumptions important to the question 
of abundance evolution should be repeated. They are: 
(1 ) That the compositions of the atmospheres of stars of different 
ages can yield the chemical history of the gas in the galaxy . If this 
assumption is correct , then the observations in Chapter III, and those 
by any number of other workers, require that every time a star has 
been formed, it has had very nearly the same proportion of heavy ele-
ments, relative to iron, as does the sun (at least after a tenth solar 
abundances were present). 
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(2) That the chemical history of the galaxy, as deduced from 
observations of stellar atmospheres, is due to the progressive build-
up of elements by nuclear reactions in successive generations of stars. 
It follows from this and assumption (1) that material of a given abun-
dance level, of which a small proportion has been locked up in a long-
lived star that is now observed, is supposed to have been processed 
through other, shorter-lived stars to produce material of higher net 
heavy element content. 
The observations require the rates of element production by the 
various nuclear processes, and the mixing of the resulting products in 
the interstellar gas, to have been such that the average abundance 
curve always retains very nearly the same shape. Since the various 
production and mixing processes cannot be assumed to be perfect, a 
large number of events are required to contribute to a significant 
amount of synthesis; otherwise the abundances of elements due to 
different nuclear processes would show stochastic fluctuations larger 
than those permitted by observation. 
This working picture may now be discussed in more detail, to 
see what predictions may result. 
4.2 Pb AND s-PROCESS ABUNDANCE EVOLUTION 
Two important points to be recognized in this picture of 
galactic s-process synthesis are the following. 
First, the material to be processed in any given instance al-
ready has a complement of heavy elements. This situation is required 
by observations such as in Chapter III. In addition, because no way 
is known of excluding elements preferentially from ans-processing 
zone, it must be assumed that the initial seed nuclei for the s-process 
include all the elements from the iron peak up to Pb and Bi. 
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Second, it then follows that the relative abundance of Pb at 
different abundance levels is crucially important to the question of 
abundance evolution. The behavior of Pb in the s-process has been dis-
cussed by Burbidge et al. (1957), and Clayton and Rassbach (1967). 
Suffice it here to note that because 206Pb , 207Pb, and 208Pb take part 
in the a-cycling termination of the s-process, and because their neutron 
capture cross sections are each smaller than that of the only other 
1 . l'd 209B· b b 'd d th d . t f th eyeing nuc 1 e , i, P may e consi ere as e en -poin o e 
s-process. That is , to a good approximation any material built up to 
Pb in ans-process remains there. In a sense, therefore, the abundance 
of Pb serves as an integrating memory of all past processing (at least 
back to when no Pb was present). 
It does not necessarily follow, of course, that this memory is 
an effective and useful one. If in each generation of s-process events 
most of the Pb produced came from seed nuclei initially in the iron 
peak, the presence of intermediate elements might be negligible. How-
ever, that such is not the case may be seen from the ratios of iron 
peak abundances to the total of the intermediate elements (Cu - Tl), and 
of the intermediate elements to Pb: 
(Fe peak) 
- 350; Cu - Tl 
Cu - Tl) ( 
- 700 Pb 
(where these figures have been calculated from solar system data given 
by Suess and Zeh 1973). Since the capture cross sections of the inter-
mediate elements are greater than, or on the order of, those of iron 
peak elements , it is clear that building the iron peak into heavier ele-
ments must inevitably push a major proportion of these elements to Pb. 
Therefore , these ratios show that the iron peak elements can be pro-
cessed to enrich the intermediate elements by only about half as much 
as those elements may in turn enrich Pb. The conclusion, therefore, is 
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that it is not possible to swamp the Pb memory with material built up 
directly from Fe without radically changing the Pb-to-intermediate ele-
ment ratios, when an abundance curve of solar shape is assumed. 
To understand further just how the abundance of Pb fits into 
the usual picture for synthesis, consider the following simplified 
model for the s-process. Assume that the material to be processed has 
a composition consisting of Fe, whose initial abundance is normalize d 
to 1, two intermediate heavy elements with abundances x and y, and Pb, 
with abundance z. This material is exposed to a certain neutron flux 
distribution, after which an amount of Fe-rich material is added to 
restore the Fe-to-heavy element ratio, finally to yield the initial 
composition increased in absolute level. (Inclusion of r-process com-
ponents to the initial abundances, and their absence from the final 
ones, adds nothing conceptually to the problem.) A description of 
this sequence of events may be written, 
r 
0 
0 
0 
+ 
1-(a+b+c) O O O 
a 1-(d+e) O 0 
b d 1-f 0 
C e f 1 
1 
X 
y 
z 
1 
X 
y 
z 
I ( 4 .1) 
where the initial composition vector is multiplied by a processing 
matrix, which describes how the lighter nuclei are transmuted into 
heavier ones; then an amount, r, of separately produced Fe is added 
in, yielding the initial composition increased by the factor A. The 
processing matrix represents an ill-defined "event" or generation of 
events; that is, it consists of however many individuals-process 
events required to give the desired results. It is assumed here that 
there is to be no relative evolution of the Pb abundance with absolute 
heavy element level. This is what one who deals with stellar abund-
ances might intuitively expect, and what the observational evidence in 
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the next section will suggest . 
Further important points regarding equation (4.1) and the pie-
ture under discussion include first, the fact that knowledge of a, b, 
and c, which describe how the transmuted iron nuclei are distributed 
among the heavier elements, also gives the values of d, e, and f. 
This fact follows rigorously for a single temperatures-process, and 
because 0 - E-~ for most nuclides at the relevant energies, may be 
n n 
expected to hold generally. Second, a fundamental part of the picture 
is that r is a parameter fixed independently of the processing matrix. 
It is supposed that the amount of e-processing in the galaxy is not 
tied by some kind of feedback loop to the rate of s-process element 
production. Third, there similarly is to be no feedback control of 
the processing matrix from the composition vector. Because the rate 
• 
of supernovae is surely independent of the abundances of the heavy 
trace elements, and because neutron production in the s-process comes 
from a-particle reactions on light nuclei (e.g. C, O, Ne) whose 
abundances are set by processes entirely independent of the heavy trace 
elements, it does not seem possible to allow for any such feedback 
loops to operate. 
Having set up this working picture for galactic s-process 
synthesis, one may now procee d to the question of how well defined the 
process is. It has been supposed that the initial and final composi-
tion vectors are known, and that nature, quite independently of the s-
process, gives r. The reason for writing the picture of synthesis in 
the form of equation (4.1) now becomes clear: there are four unknowns 
in the matrix equation, a, b, c, and A, for precisely the four 
equations represented. Hence, if there is no relative evolution of Pb, 
the rate of e-process element production completely defines the galactic 
s-process. Extension of equation (4.1) to include all the heavy ele-
ments is obvious. 
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It is not obvious, however, that for a given value of r, sol-
utions for a , b, and c will all be positive and vary smoothly from one 
to the next, as is necessary in the realistic physical situation. That 
there probably does exist a satisfactory physical solution to the 
problem is suggested by the work of Cameron (1957). He has calculated 
the heavy element abundances resulting from various exposures of the 
standard solar abundance distribution to s-process neutrons. Both the 
initial abundances and capture cross sections employed can be improved 
upon today , but the results should be qualitatively correct, and 
certainly are instructive . Figure 4.1, adapted from Cameron's work, 
shows the variation of two relevant ratios with neutron exposure. It 
is clear from these curves that the combination of an appropriate low 
exposure distribution (say , n - 5-10) and one of high exposure 
(n - 35-40) can satisfactorily reproduce the initial abundance ratios. 
Whether or not a solution is also possible for all the others-
process elements is a question to be set aside in further discussion 
here; one may suppose from Figure 4.1 that a solution is probably 
possible, and will therefore be assumed to be so. 
Returning now to the question of imperfections in the process 
and the lack of feedback controls, it is clear that any perturbations 
on the specified process will eventually end up as a perturbation in 
the relative abundance of Pb. It is important to note, however, that 
the relative influence of a given perturbation should decrease with 
each subsequent cycle of equation (4.1), the amount of decrease 
depending on A. For large A, the relative effect of a perturbation is 
quickly rendered negligible; whereas for small A, many cycles are 
required before the influence of any given event becomes negligible. 
Talbot and Arnett (1973) have estimated A - 1.004, implying that very 
many generations of events are indeed involved in any significant 
+l.00 
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FIGURE 4 .1. 
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88 /138 ] Sr Ba 
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n 
88 Differential logarithmic abundance ratios for Sr, 
138 208 Ba, and Pb, as functions of n, the total 
number of neutrons per 106 Si atoms captured during 
the s-process (adapted from Cameron 1957). Initial 
seed abundances are taken to be the solar system 
abundance curve, and capture cross section values 
are theoretically calculated. The details of these 
curves may be improved on, but hopefully their 
qualitative nature is manifest here. [Pb/Ba] con-
tinues to increase past n = 100, and [Sr/Ba] to 
decrease. 
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amount of synthesis. Hence one might expect the cununulative effects 
of imperfections at each stage of the process to be manifest as a 
spread in relative abundances at high abundance levels. 
Further, observational limits on relative r- ands-process 
abundance fluctuations are now seen to serve two purposes. If there 
do exist significant fluctuations for such elements, these will add 
to the dispersion of subsequent generations of s-process abundances. 
If on the other hand there are no such significant variations, then 
for a given mixing efficiency the number of events required to 
accomplish a given increase in abundance level must be large, A must 
be small, and the influence of perturbations will be retained for 
many generations. 
In conclusion, if there is no evolution in the relative 
abundance of Pb in the galaxy, the working picture of synthesis would 
seem to require ans-process completely specified by the rate of e-
process element production, and one that by chance yields only un-
detectably small relative abundance evolution. Cumulative perturba-
tions from each stage in the process will not necessarily grow in 
importance , although a certain (but at present unpredictable) spread 
in relatives-process abundances among stars is expected. This pre-
dicted abundance dispersion is separate and in addition to the one 
discussed in Chapter III, it being confined to the single process 
rather than deriving from two independent ones . 
The observations of the next section, therefore, are a prelim-
inary attempt to demonstrate the behavior of Pb at different absolute 
abundance levels . It is hoped that by combining such observations 
with future theoretical quantitative studies of the dynamics of the s-
process , the plausibility , or lack of it , of the present working 
picture of galactic chemical evolution will become evident. 
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4 . 3 OBSERVATIONS OF Pb IN STELLAR SPECTRA 
Analyses of Pb in stellar spectra invariably rely heavily on 
the strength of the PbI line at A3683.48 ~' it being the only unblend-
ed line due to Pb in an accessible region (Hauge and S¢rli 1973; 
Grevesse 1969) . It is among the strongest Pb lines (although only 10 
mR in the sun , Moore et al . 1967), and is in a relatively uncrowded 
region having at least a local continuum. Any problems with the con-
tinuous opacity at this wavelength have been largely circumvented in 
the present study of comparing the A3683 line strength directly to the 
strength of FeI A3681 . 88 ~ (30 ~ in the sun), in much the same way as 
has been done for the survey lines in Chapter III. Table 4.1 gives the 
relevant basic data for these lines. Because the measurement of even 
these unblended lines with the available echelle and image tube equip-
ment is difficult, no attempt has been made to unravel any of the 
other PbI line blends . 
Line 
PbI A3683.48 
FeI A3681 . 88 
TABLE 4 . 1 
BASIC LINE DATA 
Excitation 
Potential 
0.97 eV 
3.69 eV 
Ionization 
Potential 
7 . 42 eV 
7 . 90 eV 
The observational material for this discussion has been secured 
at convenient times during the course of the Eu/Ba project of the 
previous chapter . All plates secured are at a reciprocal dispersion 
of slightly less than 1 ~/mm , but are of somewhat variable quality . 
To choose those plates of high enough quality for the measurement of 
A3683 , several close line pairs in the vicinity of A3680 have been 
visually examined . Only those plates judged to be of the best quality 
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are discussed here. This material, although it constitutes only about 
a half of the plates taken, has been the only data actually reduced; 
that is, it has not been chosen because of its Pb results, but because 
of independent quality criteria. A direct intensity tracing of each 
plate has been made on the Gottingen microphotometer, equivalent widths 
measured by the triangle approximation of Chapter III, and finally the 
results for separate plates averaged. 
Table 4.2 lists the stars , the measurements, desaturated line 
strengths (made assuming the Cowley-Cowley solar curve of growth), the 
resulting differential relative abundances , obtained using equation 
(3.1) and the temperature parameters in Table 3.7, and finally for 
reference, Fe [fl] for each star from Table 3.8. It is clear that over 
the factor of ten or so in absolute abundance level present in the 
1 th . . d f . . . h (Pb) samp e, ere is no evi ence or any variations int e ~Fe ratio. 
Because in Chapter III no evidence could be produced for variations in 
h (Ba) . . t e ~ ratio, it appears thats-process abundances among disk Fe 
dwarfs in fact show no detectable relative variations, at least to a 
limit of 25% or so. However, because of the difficulty of making Pb 
abundance determinations, these results should be verified and extended 
to a larger range of stars, before they are regarded as well established. 
In conclusion, within the observational uncertainties, Pb follows 
the other heavy elements in their absolute variation among disk dwarf 
stars. Thus the model for galactic s-process synthesis set up in 
equation (4.1) is most probably valid, and the resulting consequences 
for the model remain. 
Star 
T Ceti 
K Ceti 
10 Tau 
6 Eri 
HR4523 
S Vir 
31 Aql 
Sun 
No. 
Plates 
2 
2 
2 
1 
2 
3 
2 
TABLE 4.2 
DIFFERENTIAL Pb RATIOS 
0 WA (mA) 
PbIA3683 
FeIA3681 
11.5± .5 
23.5±3.5 
10 ± 1 
28.5±4.5 
5.5± .5 
23.5±2.5 
43 
50 
8.5±3.5 
24 + 2 
5 + .5 
26 + 1 
21 + 3 
42.5± .5 
10 
30 
-log X 
PbIA3683 
FeIA3681 
5.51 
5.15 
5.57 
5.02 
5.83 
5.15 
4.72 
4.60 
5.64 
5.13 
5.87 
5.07 
5.20 
4.74 
5.57 
4.99 
-.03 
-.06 
-.10 
.00 
+.03 
-.10 
+.12 
4.4 HD122563 AND s-PROCESS ABUNDANCE EVOLUTION 
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-.6 
.o 
-.1 
-.1 
-.2 
+.2 
+.7 
Both from the discussion in this chapter, and from the results 
in Chapter III, it is clear that extremely metal poor stars which do 
show relative abundance variations are of fundamental importance to 
the question of galactic chemical evolution. In this section, therefore, 
an examination is reported of the brightest of such stars, HD122563, to 
determine if the overdeficiency of Ba in this star is accompanied by an 
overdeficiency of s-process elements still heavier than Ba. Of special 
interest in this regard is the size of the ledge in the ON curve follow-
' ing Ba in the star. That is, if the overdeficiency of Ba in HD122563 
is due to a neutron exposure distribution concentrated more at low 
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exposures than is the case normally, thens-process theory predicts 
this ledge should be increased in height (Seeger et al. 1965), ands-
process elements heavier than Ba should be down in abundance even more 
than Ba . 
There are only two possibly suitable lines of such elements on 
~ 
the echelle plates of HD122563 taken for the work in Chapter III: 
CeII A4186.62 ~ and LaII A3995.75 ~. Measurements of the CeII line 
have been previously reported by Wallerstein et al . (1963); unfortun-
ately, the line may be blended with a line of CH (cf. Moore et al. 1967). 
The total equivalent width of A4186.62 in the sun is 95 ~; a nearby 
line of CH at A4189.10 from the same vibration band has a strength of 
44 ~. This last line is also present in HD122563, with a strength 
-~ that of A4186.6. Hence, one must conclude that a major part of 
A4186.62 is due to CH, and the line should not be used to determine 
abundances. 
Thus LaII A3995.75 is the only line available. Five plates of 
the region have been digitally averaged, following the procedure used 
for HD122563 in Chapter III, and the strengths of LaII A3995.75 and 
VII A3997.ll measured. Solar equivalent widths have been taken from 
the Utrecht catalog. Desaturation for all lines has been accomplished 
with the Cowley-Cowley solar curve (cf. Pagel 1965 for HD122563). 
Table 4.3 gives the resulting line strengths. 
Line 
LaII A3995.75 
VII A3997.ll 
TABLE 4.3 
HD122563 LINE .MEASUREMENTS 
X (eV) 
exc 
0.17 
1.48 
HD122563 
WA (rnR) x(raR) 
12 
31 
12 
37 
38 
50 
51 
83 
78 
Application of these data to equation (3.3), taking 68 II= 0.19 
exc 
from Pagel (1965), gives [L:] = -.525 between HD122563 and the sun. 
The spectra of both La and V are affected by hfs splitting, and 
each of the present lines is expected to suffer (by an unknown amount) 
from the effect . To take a limiting case, if one assumes no saturation 
La 
of the lines in either the sun or HD122563, then [~] = -.54, a 
V 
[La] negligible difference. It will therefore be assumed that = 
V 
is a satisfactory estimate of this differential ratio. 
-.53 
Comparison of La to Ba requires the (_:!_) ratio in HD122563. Fe 
Pagel (1965) 
[_:!_] = -.50; 
Fe 
gives [_:!_] = -.55, and Wolff and Wallerstein (1967) give Fe 
[_:!_]= -.50 has been adopted here. Table 4.4 shows the Fe 
resulting ratios of La, Ba, and Eu to Fe. Here (Ba) is from Page l (1965), Fe 
and (Eu) from Chapter III, all ratios being normalized to 1.00 in the sun. Fe 
TABLE 4.4 
ABUNDANCE RATIOS IN HD122563 
(La/Fe) (Ba/Fe) (Eu/Fe) 
.09±.03: 0.11±.0l: 0.26±.08: 
Seeger et al . (1965) find La to come very nearly equally from 
the s- and r-processes in the solar system . If one assu.,~es the Eu 
abundance to be indicative of the r-process abundance level in general, 
d B f th 1 1 h ld d . (La) / (La) an a o es-process eve, ten one wou pre 1ct = Fe* Fe 0 
~ 0.11 + ~ 0.26 = 0.19; instead a value of 0.09 has been found. Thus 
the data are indeed consistent with an additional overdeficiency of La, 
as might be predicted bys-process theory. 
A word of caution concerning these seemingly satisfactory results 
is in order, however. All these differences are on the order of a 
factor of two, and in such an extreme star the unknown factors in the 
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analysis may well be large enough to produce errors of this size. The 
results should therefore be regarded as tentative, until better 
analyses can be made, and until data on a number of similar stars be-
comes available. 
4.5 CONCLUSIONS 
The work reported in this chapter has suggested that the gal-
actic s-process is on average a completely specified process, and that 
the abundance of Pb should be a sensitive indicator of both the mean 
neutron exposure distribution, and perturbations from this mean. 
Although some spread in relatives-process abundances among stars is 
therefore to be expected, a lack of knowledge about the relevant 
production and mixing processes prevents any realistic estimates of 
the size of this spread from being made. The observations presented 
here and in Chapter III suggest that this spread is small, probably 
less than 25%, and may be negligibly so. Whether or not such results 
are a plausible consequence of the usual picture of galactic synthesis 
is a question that must await further theoretical studies of the 
dynamics of the s-process. The discussion given on the heavy element 
abundances in HD122563 has shown that the peculiar abundances in that 
star are at least not inconsistent withs-process theory. The most 
sensible suggestion for future observational work on the matter would 
therefore appear to be to concentrate on amassing comprehensive data 
on additional, similarly extreme stars. 
CHAPTER V 
ON THE s-PROCESS IN PECULIAR RED GIANTS AND THE 
SOLAR SYSTEM 
5 . 1 INTRODUCTION 
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A major piece of evidence supporting the view that stars are 
sites of nucleosynthesis , and that synthesis is a continuing phenomenon 
in the galaxy, has been the existence of the peculiar red giant stars. 
These stars exhibit atmospheric compositions greatly enhanced ins-
process elements and carbon (Warner 1968), and have been interpreted as 
having produced these elements in their interiors , and then mixed them 
to the visible surface. Here therefore would appear to be definite 
proof of the continuing action of the s-process in the galaxy. 
The peculiar red giants , however, are most probably old, low 
mass stars (Warner 1965 ; Eggen 1972b) . They are thus not good candi-
dates for the primary sites of heavy element production, since that 
production apparently took place during the first billion years of the 
galaxy ' s lifetime . Furthermore , the s-process is not a well-defined 
process , and may occur over a range of temperatures, densities, and 
neutron fluxes . It is therefore of some interest to know whether or 
not the s-process in red giant stars is the same process as that respons-
ible for solar system element production. Should red giants be shown 
to exhibit ans-process substantially similar to that in the solar 
system , as regards temperature and neutron flux , then studies of these 
stars may provide further insights into the physical situation of the 
e a rly galactic synthesis . 
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There are two aspects to the nature of the s-process which may 
profitably be examined. The first concerns the neutron exposure dis-
tribution, as is reflected in the abundance distribution of the synthes-
ized elements. This aspect of the process has been the subject of a 
number of astronomical investigations, which have shown that the red 
giants-process yields an abundance distribution quite different from 
that in the solar system, and one that can vary from star to star 
(Warner 1965; Wallerstein and Greenstein 1964). Thus if there is any 
relevance of the stellar s-process to the solar system, solar abund-
ances must have resulted from a combination of numerous such events. 
The second aspect of the process involves the timescale for neutron 
capture , as found from branching points in the s-process build-up path. 
Because of the attendant observational difficulties, investigation of 
this timescale in peculiar red giants has generally been neglected. 
It is the purpose of the present chapter to consider this second 
aspect of the s-process . A discussion is first presented of the 
various branching points in the solar system build-up path, and of the 
nature of the s-process so inferred. Then the observable branching 
points in the stellar case are examined, and observational data for 
three BaII-type red giants are given. 
5 . 2 BRANCHING POINTS AND TEMPERATURE OF 
THE SOLAR SYSTEM s-PROCESS 
Although the s-process is defined as "slow" in terms of a 
typical S- decay time , there is in reality a great spread in these times, 
and there must inevitably be a few nuclides for which the lifetime to 
S- decay is on the order of the neutron capture time. Determination of 
the build- up path through such nuclides then provides limits on the 
neutron capture time in a givens-process . In this context, these 
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nuclides are referred to as branching points , because they are points 
at which the build-up path branches one way or the other, depending on 
which of the timescales is shorter. 
This section presents an analysis of such points in the solar 
system abundance curve. In order to minimize the various uncertainties, 
only those branching points for which the required nuclear parameters 
either are available , or may reasonably be estimated, have been examin-
ed . 
79 So limited, the set of branching points chosen consists of Se, 
85 93 107 d Kr, Zr, P , 113 d 151 163 C , Sm, and Dy. 
The nuclear physics involved in the analysis has been discussed 
by a number of authors (e.g. Bahcall 1961, 1962, 1964; Cameron 1959; 
Burbidge et al. 1957; Audouze et al . 1972). The discussion given here 
then represents no new physics, but rather is a synthesis of these 
ideas and techniques applied to the branching point problem. A similar, 
although differently oriented, discussion has been given by Peterson 
and Tripp (1973), after the present work was completed. 
a) Analysis 
Analysis of these branching points proceeds on two fronts. 
First, the direction the build-up path actually took is determined. 
This direction in turn yields the relation between the 8-decay time TS, 
and the neutron capture time T , at the branching point nuclide. Second, 
n 
the behaviour of TS as a function of temperature is found, by consider-
ing excited state S-decays. The results of these two analyses may 
finally be combined to attempt an estimate of the temperature of the 
solar systems-process, as well as to gain an idea of how self-
consistent the various branches are at this temperature. 
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i) Branching Directions. To determine the path of the s-process 
through a branching point, the abundances of at least two nuclides are 
examined. One is chosen to give an estimate of the totals-process 
path in the region, and the other to give one of the possible branches. 
Wherever possible isotopic ratios are used, to bypass uncertainties in 
relative elemental abundances. 
The details of the analysis are presented in Table 5.1. Here, 
for each branching point are given the nuclides examined, N1 and N2 , 
with the nuclear processes thought to contribute to their abundances; 
their 30 keV neutron capture cross sections in mb, from Allen et al. 
94 , 95 (1971) except for Mo (an asterisk indicates a semi-empirical 
estimate ) ; the s-process contributions to the abundances, in percentage 
of the total elemental abundance (from Leighton 1959); the relevant 
branching equation , with parameters a and B; and the relationship 
between ls and ln so deduced . 
The branching equation expresses how the observed ON values 
depend on the rates o f S-decay and neutron capture at a branching 
point . A typical example may be written 
a . ---= 
+ A 
n 
In such a case , nuclide N1 is on the S-decay branch of the path, N2 is 
on the total path , and their relative ON values are given by the ratio 
of the S- decay rate , AB , to the total rate , AS+ An' at the branching 
nuclide . The additional constant factors , a and B, are respectively 
the correction for the natural change of the f(A) = a N curve in the 
A A 
region , and the correction for any other , non-temperature dependent 
branching that might be present . 79 Thus for the case of Se, f(A) is 
80 82 80 decreasing between Kr and Kr , and even in the event of Kr being 
Branching 
Point 
79Se 
85 Kr 
93 Zr 
l07Pd 
113Cd 
151 Sm 
163 
Dy 
Nl 
80Kr (sp) 
84 Kr(sr) 
92Zr(sr) 
94Mo(ps) 
l08Cd(p) 
114Sn (p) 
ll2Cd (sr) 
150 Sm (s) 
152Gd (ps) 
164Er(sp) 
N2 
82Kr(s) 
86 Kr(rs) 
94 Zr(sr) 
96Mo (sp) 
llOCd (s) 
116sn (s) 
ll4Cd (sr) 
152Sm(rs) 
154Gd (s) 
160Dy(sp) 
o1/a2 (mb) 
140*/80* 
34/20 
100/104 ( 7) 
210*/210* 
130*/100 
210*/200 
370/450 
500*/520* 
750*/650* 
TABLE 5.1 
BRANQHNG DIRECTION ANALYSIS 
N~/N~(%) 
1.92/11.6(1) 
13/14 ( 5) 
4/13. 7 ( 8) 
<0.8/12.4(9) 
<. 69/14. 3 (10) 
16.4/21.2(ll) 
7.4/4: (12) 
0.1:/2.15(14) 
1.42.0.57(15) 
2.2 
a 
0.86 
o. 80 (6) 
-LO 
1.0 
1.0 
1.0 
1.0 
1.0 
1.0 
Branch 
Equation 
.256 = 
BAB 
AB+\ 
(1-. 77B) A 
.1 - n 
- A +A ( 3) 
n B 
A 
n 
. 79 = "n +AB 
.26 
.o 
.06 
. 81 
1. 5 
AB 
= A +A 
n B 
AB 
- " B+.\ 
AB 
> A +A 
B n 
"n +AB 
-A 
n 
A +AB 
n ? 
- (1-B) "s+Xn. 
BA 
.045 - ~? 
"s+\ 
• 4 
BAS 
- As+\ 
B 
0.92(2) 
-0. 8 (4) 
-0.5:(13) 
-0.5:(13) 
} 
-0. 5 (16) 
T 
n TB 
Tn - 0.4 TB 
Tn = (9-7.7B)TB(g) - 30y 
Tn - 0.3 TB 
Tn - O. 3 TB 
Tn « TB 
T << T 
n S 
Tn « TB 
T < TS 
n -
Tn > TS 
(X) 
~ 
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NOTES TO TABLE 5 .1 
All numbers in parentheses in the Table refer to these Notes . 
(1) p 80 tot 7 8 Assumes N ( Kr) = N ( Kr , p-only) = .35% Kr; 
(2) B refers to the fractional branching of 80 Br to 8 °Kr; neutron 
capture into an excited state of 80 Br may cause some uncertainty. 
(3) Seeger et al. (1965) estimate the branching to 86 Kr as -10% . 
(4) B refers to the fraction of neutron captures into the 85 Kr excited 
state, which S-decays to 85 Rb 77% of the time; B ~ 0.8 because 
n + 84 Kr(o+) is expected to go more easily into 85Kr(~-) , than into 
85Kr(9/2+). 
(5) Assumes Nr( 92 Zr) = 4.0%, Nr( 94 Zr) = 3.4%; where Nr( 96 Zr , r-only) 
= 2.8%. 
(6) Estimated from 0Ns ( 90 zr)/0Ns ( 92 zr) = 0.80. 
( 7) 
( 8) 
(9) 
(10) 
From Stroud (1972). 
p-process corrections made assuming 
tot 92 p 94 p 94 p 96 tot 96 N ( Mo,p-only)/N ( Mo ) = N ( Mo)/N ( Mo) = N ( Ru,p-only)/ 
tot 9 8 tot 92 tot 94 N ( Ru,p-only); N ( Mo ) = 15.7%, N ( Mo) = 9.3%. 
p-process contribution to 108cd is dominant, as Ntot( 106cd,p-only)/ 
Ntot(l08Cd) = 1.4. 
1 1 4 , . p-process contribution to Sn is uncertain, because the p-process 
curve is very steep here, but is probably the major component. 
(12) Assumes Nr( 152 Sm) = Ntot( 154Sm,r-only) = 22.7%, and is uncertain; 
Ntot(l52Sm) = 26.8%. 
(13) B refers to the branching of 152Eu to 152 Gd, and is somewhat un-
certain; because 152 Gd and 152 Sm are symmetrical about 152 Eu, 
Bis expected to equal-~±~-
(14) p-process contribution to 152 Gd is uncertain, because the p-
process curve may be steep here; NtOt( 152 Gd) = 0.2%. 
(15) Assumes Np( 164Er) = Ntot( 162Er,p-only) = .14%, Np( 160 Dy) = Ntot 
( 158Dy,p-only) = .09%; the (Er/Dy) ratio from Leighton (1959) is 
0.568, and because both Er and Dy are rare earths, is fairly 
reliable. 
(16) B here is the fractional branching of 164Ho to 164Er; although 
the temperature dependence of Bis unknown, it is probably not 
large, because 164 Dy and 164Er are symmetrical about 164Ho. 
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on the total s-process path , cr1N1 /cr2N2 would still be expected to equal 
-1 80 
S-decays 92% of the time, 80 . 
(0. 86) . Because Br only Kr is an 
indicator of only 92% of the B-decay rate 79 and B == 0.92. at Se, Foot-
notes to the Table give the branch to which B refers in each instance. 
f 151 f . . h d' . The case o Sm, because o its importance tote iscussion 
of Eu in Chapter III, deserves special mention. The results for 
150,152 d 152,154 . 
Sm an Gd disagree, most probably beca1.1se the r-proces s 
. 152 . 1 d 1 k correction to Sm is very arge an not accurate y nown. s If N for 
152
sm is taken to be 6% instead of 4%, then for any reasonable estimate 
152 
of the branching at Eu (i.e. for B > 0.1), the two appr oaches give 
the same answer, Tn < TB . It is fairly certain, therefore, that the s-
151 process path completely by-passes Eu, and regardless of whether 
153 
Gd captures an electron or a neutron Eu must be overwhe lmingly 
produced by the r-process. 
Mention may also be made at this point of an additional branch, 
176 
. d d f h d f l 76 f b . at Lu, as evi ence rom t e abun ance o H eing much too great 
to be due to the p-process alone (and it is shielded from the r-process). 
. . f h l ( 2 ) l 76 . l Excitation o t e O. 9 MeV state in Lu invo ves an E6 y-
transition from the 7 ground state, and therefore is so difficult 
that photoexcitation (see below) is not important. 
l h 176 h. . d l l Apparent y t e Lu branc ing is ue so e y to neutron cap-
ture directly into the 1 excited state , which then preferentially B-
176 
decays to Hf. An estimate of the size of this branching, given by 
Audouze et al . (1972) , appears to account satisfactorily for the 
176 f abundance of H . 176 
. h 3 7 h Hence, T at Lu is longer tan . ours n 
(TB of the 1 10 
state), but shorter than -10 years (TB of the ground 
state). 176 Such limits are not very enlightening, and so Lu has been 
excluded from Table 5.1 and the subsequent discussion. 
87 
ii) Decay Times Versus Temperature. If there is any appreciable 
population of the excited states of nuclei, then S-decay can also occur 
from these states. The total rate for decay is then given by the sum 
of the decay rate constants for the various levels , appropriately 
weighted according to their relative populations. This dependence of 
TS on the populations of excited levels is considered here. 
There are two principal ways of exciting a nucleus in the 
physical situation of the s-process. One is to do so during neutron 
176 
capture , as discussed above for Lu. This way is important only for 
isomeric nuclear states, and appears to affect only the branches at 
85 176 Kr and Lu. The second way involves excitation by the photon gas 
in which the nucleus sits (Cameron 1959). At ternperatures above 108 °K 
there are enough high energy photons present to excite low lying levels 
of nuclei, and to maintain a proportion of the nuclei in such excited 
states. As the population of an excited state changes with tempera-
ture, so then does the fraction of S-decays from the state, and hence 
the total decay rate. This process has been called the "photobeta" 
process by Cameron. 
To determine which excited states can participate in the photo-
beta process, one must compare the timescale for excitation with other 
timescales of interest. Higher multipole transitions, for example , 
are very difficult to induce, and levels connected to the ground state 
only by such transitions may not become sufficiently populated to be 
important. The timescale for excitation of a level may be found from 
its spontaneous y-decay lifetime through the equation (Fowler et al. 
1967) 
T (I, I*) g
1 ex 
-T--(1-*-,-1 -) = -fexp (E */kT) - l] sp gI* I I 
(5 .1) 
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where I and I* represent the ground and excited states, respectively ; 
gr and gI* are their statistical weights; EI* is the excitation 
energy; and Tis the ambient temperature. In the following discussion 
it is assumed that only a tiny fraction of nuclei are in excited states , 
and that consequently the nuclear partition function may be approximated 
by the ground state statistical weight . 
Calculations using equation (5.1) for the nuclides and levels 
of interes t in the present discussion are given i n Table 5.2. The 
spontaneous y-decay times quoted are upper limits if in parentheses, and 
measured values if not , from Enge (1966, Figures 9-15 to 9-18). The 
upper limits are typically between two and four orders of magnitude 
above actual values. 
In the analysis given below it has been ass umed that excitation 
only occurs for Tex<< TB or Tn' whichever is the shorter. If this lS 
the case, then the excited state populations have been approximated by 
(Cameron 1959) 
N* 
N 
2J* + 1 
= 2I + 1 exp(-EI*/kT) I 
where N* and N (~ N ) are t he excited and ground state populations; 
tot 
and J* and I are the excited and ground state spins, respectively. 
The net decay constant may now be found from the equa tion , 
N* 
= N AS ( *) + AS ( ground) . ( 5. 2) 
If there are several levels involved, the population, rate products of 
each may be added. For the case of only the ground state and one 
excited state, the net half-life to B-decay may be written simply as 
TQ(net) = T(g) [l + T(g) 
1-J T(*) 
2J* + 1 -1 (21 + l )exp(-EI*/kT )] . ( 5 . 3) 
TABLE 5.2 
LEVEL EXCITATION TIMES 
Upper Lower EI* log T log T (T8 ) (sec) sp ex 
Nuclide Level Level Type (MeV) (sec) 1 2 3 5 7 
79 - 7/2+ Se 1/2 E3 . 096 3.0 8.4 6.0 5.2 4.6 4.2 
85 - + Kr 1/2 9/2 M4 .305 5.3 21.2 13.7 11.1 9.1 8.2 
93 + 5/2+ ( 7. 3) (0. 6) Zr 3/2 Ml .267 (-6. 3) (-1.6) (-3.4) (-4. 2) 
99 7/2+ + (-5.4) (1. 8) (-1.8) (-2.9) (-3.9) Tc 9/2 Ml .141 (-4. 3) 
!j~+ 9/2+ M4 .143 8.0 15.9 12.3 11.1 10.l 9 .7 9/2+ E2 .181 (-8.0) (1.3) (-3.2) (-4. 7) (-6.0) (-6.5) 
107Pd 1/2+ 5/2+ E2 .115 ( - 7. 0) ( - . 7) (-3.6) ( - 4 . 6) (-5. 3) (-5. 7) 
+ 11/2 5/2 E3 .216 1.6 12.2 6.7 4 .9 3.5 2.8 
107 7/2+ 1/2 E3 .093 3.2 7.3 4.9 4 .2 3.5 3.2 Ag 
9/2+ -1/2 M4 .126 (11.0) (16.6) (13. 5) ( 12. 4) (11.6) (11.2) 
113Cd - ~~~: 11/2 ES .27 11.9 24.7 17.9 15.7 13.8 13.1 3/2+ Ml .30 ( -6. 4 ) ( 8. 4) ( . 9) (-1. 7) (-3.7) (-4.5) 
113 - + In 1/2 9/2 M4 .393 4.1 24.6 14.7 11.4 8.8 7.6 
151 Sm - - Ml .005 (-1.0) (-. 8) (-. 9) (-1. 5) (-1.9) (-2. 1) 
Ml .066 ( -4. 5) (-1. 2) (-2. 8) (-3.4) (-3.8) ( -4. 2) 
Ml .070 ( - 4 . 5) (-1.0) (-2.7)_ (-3.3) (-3.8) (-4.2) 
Ml? .092 (-4.9) (-. 3) (-2.6) (-3.4) (-4.0) (-4. 3) 
163 (5/2+) -Dy 5/2 El .025 (-1. 7) (-. 4) (-1.1) (-1. 3) (-1.8) (-2.0) OJ 
- I.D 7/2 5/2 E2+Ml .075 (-6. 3) (-2.6) (- 4 . 5) (-5.2) (-5.7) (-6. 0) 
- -9/2 5/2 E2 .170 (-8. 1) (. 2) (-4.0) (-5. 5) (-6.6) (- 7. 1) 
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The groW1d state decay times, T(g) , for use in equations (5.2) 
and (5. 3) have been taken from Lederer et al. (1967), and are experi-
mentally measured quantities. UnfortW1ately, however, the excited 
state S-decay lifetimes, T(* ), have invariably not been measured, and 
have had to be estimated as follows. 
The spins and parities of the initial and final states, given 
by Lederer et al ., permit a beta transition to be classified as allowed 
or forbidden, W1ique or non-unique, to various degrees. Each of these 
classes of transition then has a comparative half-life (ft) in a 
characteristic range, which in the present instance has been taken from 
Enge (1966, Table 11-1). The actual half-life of a transition follows, 
after f is found from the calculations of Feenberg and Trigg (1950). 
The excited state S-decay lifetimes thus determined are very approx-
imate, and may easily be an order of magnitude from their true values. 
However, temperature estimates deduced from these lifetimes are in 
turn not nearly so uncertain, because of the steep temperature depend-
ence of the net half-lives for most of the branching points. 
Table 5.3 gives the adopted excited state lifetimes to S-decay , 
the transitions considered here being the ones judged most likely to 
be populated in equilibrium amounts. Three decays deserve special 
mention. 
85 Kr apparently has no low lying states that can be excited on 
a timescale less than years for T < 109 °K. Hence its net S-decay 
time should not depend on temperature. 
107 107 . 107 - 107 Ag (EC) Pd competes with Pd(S) Ag; that is, if 107Pd 
. 107 d f . . d can be excited, then so can Ag, an ram its excite states can 
- 107 
capture an electron, thus competing with the S decay of Pd. At 
8 o 107 
temperatures above 10 K, Ag is completely ionized, and can only 
capture continuum electrons. An order of magnitude estimate, based on 
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phase space considerations, of how the capture rate is changed in such 
circumstances has been given by Cameron (1959). He finds 
A (s tar ) -3 _Q_ = 6xl0 2 AK 
z 
where AK is K-shell electron capture rate in t he lab, and pis the 
tota l density in gm/cm3 (assuming two atomic mass units per electron). 
Thi s crude estimate has been used to obtain the density dependent 
decay time for 107Ag in Table 5.3. 
Decay 
79 - 79 Se( S ) Br 
85Kr( f3- )85Rb 
93
zr( S-) 93Nb 
99 - 99 Tc(S ) Ru 
l07Pd(S-)107Ag 
107Ag(EC)l07Pd 
113Cd(f3-)113In 
151 - 151 Sm( S ) Eu 
163 - 163 Dy( S ) Ho 
TABLE 5. 3 
BETA DECAY TI ME S 
·Initial Final 
J1T( MeV) J1T( MeV) 
7 /2 + (0) -3/2 (0) 
-1/2 (. 096) 3/2 (0) 
5/2:(o) 
+ -9/2 ,1/2 
-3/2 (.27) 1/2 (. 03) 
+ 
5/2:(o) ;:;: )~i4) 5/2 (0) 
~~~ + ~: ~:~ 5/2+(0) + 3/2 (.09) 
5/2+(0) -1/2 (0) 
1/2+ ( .12) 1/2 (0 ) 
11/2 (. 21) 9/2 + ( .13) 
- + 11/2 (. 21) 7 /2 (. 09) 
+ 7/2 (.09) 5/2 + (0) 
1/2:(0) 9/2+(0) 
3/2 (. 30) 1/2 (. 39) 
5/2 ,7/2 5/2+,7/2+ 
(. 06) 
(. 06) 
+ -5/2_(.025) 7/2 (0) 
-7/2 (.075) 7/2 (0 ) 
- -9/2 (. 1 7) 7/2 (0) 
log ft TS 
4 
<10.8 <6.5xl0 y 
- - 6 
< 6 < 8xl0 s 
l0.76y 
6 l.5xl0 y 
>6 >2.5xl0 6 s 
12.3 2.12 xl0 5 y 
S6 ~lxl06 s 
S6 ~6xl0 5 s 
$6 ~l.6xl0 6 s 
10.8 7xl0 6 y 
..., 7 
-7.9y 
..., 7 
-20y 
-8.5 -250y 
5 
...,5. 5 ..., ( 5xl0 ) y p 
>101 Sy 
<8 <23y 
7.6,8.8 ..... 8 7y 
..... 7 
- 5. 6y 
..... 7 ..... 5.6y 
..... 7 -lxlo11 s 
...,5 7 
-1. 3xl0 s 
-5 5 -6.3xl0 s 
92 
· 11 151 d t' Fina y, Sm nee s men ion. Its ground state apparently con-
-
sists of two unresolvable states with JTI = 5/2 and 7 /2 . It also has 
a number of low lying states connected to the ground states by Ml 
(~J = ±1, no parity change) y-transitions, but for which the detailed 
· f TI b d assignments o J cannot e ma e. Therefore in Table 5.3 the situation 
has been idealized to the case of two excited levels at 0.06 MeV, 
d . 151 . h 1 f 7 ecaying to Eu wit og t - . 
Having determined the relevant lifetimes to S-decay, it is 
possible to apply equation (5.2) , or (5.3), for the net lifetimes as 
functions of temperature. Table 5.4 gives the results. Some of the 
times are seen to change extremely rapidly with temperature. The 
107 3 3 lifetimes for Ag(EC) are given for a density of 2.4xl0 gm/cm, 
h h 1 1 h Q d . f 107 d were t ey near y equa t e µ- ecay times or P. Hence, much 
ab th . d . 1 b lo 7 . 1 d . h . ave is ensity e ectron capture y Ag wil ominate t e excited 
107 
state phenomena, whereas below it, Pd S-decay will dominate. 
These temperature dependent lifetimes may now be compared with 
neutron capture times , but only as long as another density dependent 
effect does not operate during the s-process. Namely, Bahcall (1962) 
has pointed out that if the continuum electron gas becomes degenerate 
in a star , then there are no continuum states to receive an emitted 
electron, and hence stellar S-decay may be severely inhibited. Bahcall 
and Peterson (1963) have presented tables of decay rate changes due to 
this effect for allowed, first forbidden non-unique, and first forbidden 
unique transitions , as functions of temperature (which defines the 
Fermi level of the gas), density, and end-point energy of the decay. 
These tables have been used here to obtain the fractional decay rate 
changes for the transitions of interest in Table 5.5. It is seen that 
only at densities above -105 gm/cm3 does inhibition become large. 
Densities this high are probably not to be expected in the s-process, 
TABLE 5. 4 
BETA DECAY TIMES (YEARS) VERSUS TEMPERATURE (108 OK) 
TS 79 93 99 107Pd 107 113Cd Se Zr Tc Ag 
( p = 2 . 4xl0 3 ) 
6 5 6 6 
1 <34000 >l.5xl0 <l. 2xl0 -4.7xl0 -2.7xl0 <l . 5xl0 
- - "' "' 
5 4 4 
2 <260 >4.4xl0 <71 -1. 9xl0 -1. 2xl0 <4.lxlO 
- -
"' 
3 < 41 > 3. 6xl0 
3 
< 4 
-l.9xl0 
3 
-2xl0 
3 
<l.2xl0 
- - "' "' 
5 < 9.3 > 58 <0.4 -267 -470 <l. 2xl0 
"' 
7 < 4.9 > 10 <0.15 -104 -256 <l.6xl0 
151 Sm 
16 
-84.5 
8 
-44.5 
6 
-21.5 
4 
-10 
3 
"' 7 
163 
Dy 
-1740 
-21 
-3. 3 
-0. 45 
-0.17 
~ 
w 
94 
TABLE 5.5 
FRACTIONAL DECAY RATE INHIBITIONS (6./\ s //\ s) 
Density 3 (gm/cm) 
Transition 4 4 5 5 Decay l.5xl0 8.3xl0 l.8xl0 4.7xl0 
79 79 Se(S) Br + -7/2 -3/2 .04 .20 . 38 .71 
- -1/2 -3/2 .04 .19 . 35 .61 
85 Kr(S) 85 Rb + -9/2 -5/2 <<.5 
93Zr(S)93Nb + -5/2 -1/2 .08 .41 .69 .9 4 
3/2+ -1/2-
.02 .15 .26 .49 
99 CB) 99 9/2+-5/2+ Tc Ru 
7/2+-5/2+ 
.02 .11 .19 . 36 
5/2+-5/2+ 
.02 .10 .18 .33 
5/2+-3/2+ 
.02 .12 .22 .40 
107Pd(S)l07Ag + -5/2 -1/2 .12 .50 . 79 .96 
+ -1/2 -1/2 .06 .30 .52 . 82 
- + 11/2 -9/2 .07 . 36 .60 .88 
113 CS)113 + -Cd In 3/2 -1/2 .05 .22 .41 .68 
151 151 - -Sm(8) Eu 5/2 ,7/2 - .10 .45 .72 .95 
5/2+,7/2+ 
II 
.07 .33 .57 .86 
163 CS) 163 + -Dy Ho 5/2 -7/2 .13 .63 .86 .98 
- -7/2 -7/2 .11 .47 .75 .96 
9/2 -7/2 .06 .29 .51 .82 
and since the calculated lifetimes are rarely accurate to better than a 
factor of two or so (at least for T8 > 1), it should be safe to neglect 
this effect. 
A final possible correction to the calculated decay rates is 
that due to bound state S-decay (Bahcall 1961). Because all species 
are expected to be completely ionized during the s-process, 8-decays may 
occur not only into continuum states, but also into the vacated bound 
electron states of atoms, thus increasing the total decay rate. Bahcall 
finds, however, that for allowed decays (except for the very heaviest 
95 
nuclides) bound state decay rates are only on the order of those into 
continuum states. Because of this fact, and because the net lifetimes 
are uncertain by this amount, the effect of bound state decays has been 
neglected in the following discussion. 
The relations between Tn and TS in Table 5.1 thus may now b e 
combined with the estimates of TS(T8 ) to test whether the various 
branching points are all consistent with a single environment for the 
85 
s-process. The key, tie-down branching point is clearly Kr, whose 
TS is independent of temperature, while simultaneously being of the 
same order as T. This fortuitous situation provides an absolute time-
n 
scale for neutron capture, to which the other branching times may be 
compared. 
. 
85 
. . 1 f b Direct comparison to Kr is not possib e, o course, ecause 
the T depend on the neutron capture cross sections , a comprehensive 
n 
list of which is currently available only for 30 keV (T
8 
- 2). To be 
able to use these published cross sections, or interpolated estimates 
made with them, at various temperatures, one may consider instead of 
T the neutron number density 
n 
-1 
N = (T 0 V ) 
n n n n 1 
where v is the average thermal neutron velocity . Because 0 for most 
n n 
nuclides (except near magic neutron numbers) goes as EO .? (Clayton 1965), 
n 
this equation may be written 
or 
N 
n 
N 
n 
-1 
-1 
0.7 
= 0 30 keV (30) 
n kT 
0.5 
V 30 keV(kT) 
n 30 
30 keV ,.3.48} 0 · 2 (0 V } \. T 
n n T8 n 
T 
n 
1 
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Table 5.6 presents such calculations of Nn(T 8 ) at T8 = 2,3, and 5, for 
the timescale relations in Table 5.1. 
Branching 
Point 
79 Se 
85 Kr 
93 Zr 
107Pd 
113Cd 
151 Sm 
163 Dy 
TABLE 5.6 
NEUTRON NUMBER DENSITY ESTIMATES 
T 
n 
T 
n 
T "' 30y 
n 
T 
n 
T 
n 
T < Tf3 
n "' 
'T 
n 
2 
3 
5 
2 
3 
5 
2 
3 
5 
2 
3 
5 
2 
3 
5 
2 
3 
5 
9 
~8. 3xlo9 
~l. 3xlo8 ~ 3xl0 
.?.l.4xl0~~ 
..?.l. lxlo9 
..21. 8xl0 
11 
---5.8xlo10 
"' 6xlo9 
---8.4xl0 
16 
.:S_l.3xlo13 
...::;_3. 9xlo11 
~3. 7xl0 
9 
---l.4xlo8 
---6.8xlo8 
"' 3xl0 
8 
---6.6xlo8 
"' lxlo7 
---l.4xl0 
b) Results and Conclusions 
-3 N ( cm ) 
n 
25. 2xl0~ 
.2.3. 6xlo8 21. 8xlo 
7 
,.., 7xl0 
3 
..:59. 8xlo6 D. 4xlo7 
~. 2xl0 
3 
>>7.2xl0 
4 
>>7.2xlo5 
>>5.lxlO 
>>o.3 3 
>>l.3xlo5 
>>l.3xl0 
6 
~l.2xlo6 
~2.6xlo6 
>5.8xl0 
< 4xl0~ 
<2.6xlo8 
<l.9xl0 
h b h 107 d 113 d d 151 abl S 6 Te ranc es at P , C, an Sm are seen in T e . 
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to be consistent with that at Kr for any temperature in the likely 
range. 79se, however, is inconsistent with 85Kr for high temperatures, 
93 163 
and Zr and Dy for low temperatures. Whether these differences are 
indications of a multi-components-process, or are simply evidence of 
incorrect analyses, is not entirely clear. 
.. 
97 
79 Uncertainties in the Se analysis come in the p-process con-
. · 
80 hi h . t t d t b 1 d . th tribution to Kr, w c is no expec e o e arge, an in e cross 
sections for the isotopes of Kr , none of which have been measured ex-
perimentally (Allen et al. 1971). There might therefore be an error 
79 in the Se calculation due to the use of incorrect cross sections. 
h d f . . h b h. . 93 · th Both met o so examining t e ranc ing point at Zr give e 
same answer , thus lending credence to the derived results. The 
nuclides examined here are near a closed neutron shell, which might be 
expected to cause cross section uncertainties; however, all the 
necessary cross sections have been experimentally determined . Major 
uncertainties do lie in both the p-process contributions to the Mo 
94 isotopes, which is appreciable for Mo and which may be incorrect as 
92 94 
estimated, and in the value of a between Zr and Zr. Therefore, 
here too there is some question about the results. 
The abundance of 164Er is much too high to attribute it to the 
p-process, and because it is shielded from the r-process, is very hard 
163 163 
to account for, unless TS< Tn at Dy. Thus the Dy analysis seems 
to require a temperature above T8 - 3 for the s-process; to make the 
branch consistent with a lower temperature, it is necessary to suppose 
163 
that the net decay times in Table 5.4 for Dy are at least 10 times 
too long. Of course, if the solar system abundances are from a number 
of varied s-process events, it may not be correct to compare high 
. 85 
mass results with Kr. 
85 The reliability of the analysis at Kr should also be consid-
ered . That partial branching has in fact occurred here is suggested 
86 . . . by the abundance of Kr, which appears to be slightly in excess rela-
tive tor-only nuclides in the region (Seeger et al . 1965). However, 
because no capture cross sections for Kr have been measured experi-
mentally, and because the abundance of Kr is not extremely well known, 
98 
there must remain a certain amount of doubt in the analysis. Indeed, 
Allen et al . (1971) have suggested that by lowering the absolute abund-
ance of Kr by a factor of 2-4, and raising the cross section estimates 
by -2.5 times, it is possible to fit both the s- and r-process curves, 
with no branching to 86Kr being required. 
To conclude , then, the insights to be gained from the study of 
solar system branching points are still somewhat fuzzy; a temperature 
the 2-5 10 8 0 be indicated. Conclusive determinations in range X K may 
of the branching paths through 79 and 85 Se Kr require accurate measure-
ments of the neutron capture cross sections of the Kr isotopes. Un-
certainties of a sort not readily amenable to experimental investiga-
93 163 
tion are present for both the Zr and Dy branches, so cross 
section measurements for the Kr isotopes, although experimentally 
difficult, seem the most straightforward way of improving knowledge of 
the solar systems-process. 
5.3 APPLICATIONS TO THE STELLAR CASE 
The possibilities for determining branching directions in stars 
are , of course, much more limited than in the solar system, because 
isotopic abundances are difficult, if not impossible, to derive. 
There are, however, two possible branching points which merit dis-
cussion in the stellar case. 
Among the peculiar red giants, certain stars exhibit lines of 
the element Tc (Merrill 1952, 1956; Peery 1971) . Observations of this 
unstable element not only are evidence for the recent action of the 
s-process, but provide a possible way to estimate the neutron capture 
-
99 
99 h.. 
time involved. During the s-process, Mo (TS - 67) almost certainly 
99 5 S-decays to form Tc , which may then either decay (Ts= 2.1 x 10 
years in the lab, but may be on the order of years at T8 - 3), or cap~ 
99 
ture a neutron. If TS> Tn for Tc, then it may be expected to build-
f (A) 99 99 if up to an equilibrium abundance with = 0 ( Tc)N( Tc); 
n 
T > TS ' its abundance will be reduced. Determination of which case n 
prevails, however, is hindered by a lack of knowledge about the time 
necessary to mix the processed material to the visible stellar surface. 
99 Should this time be fairly long, the abundance of Tc will always be 
reduced from its process value. Anders (1958) has shown how in 
principle a combination of data on Tc and Nb (see below) may be us ed 
to define both the process timescale and the mixing time. However, 
even this suggestion is difficult to put into practice, because the 
stars in which Tc is observed are always so cool that reliable abund-
ance analyses are not possible. The conclusion , therefore, is that 
99 Tc is a possible , but not practical , branching point for analysis in 
stars . 
h . 
93 f d b h d The branc ing at Zr may be oun in stars y two met o s. 
The first involves deriving the ratios of the six isotopes of Zr 
(including 93zr) , using molecular band spectra of ZrO in very cool 
giants . 93 6 In this way , the abundances of Zr (TS< 1.5 X 10 years; 
94 cf. Table 5 . 4) and Zr may be found and tested against the other Zr 
isotopes . 94 Any branching is then given by the abundance of Zr rela-
. 92 d . d 9 3 . h . , tive to Zr , an confirme by Zr , subJect tote same uncertainties 
99 
as for Tc . The method involves obtaining a best-fit solution for 
the six isotopes in spectra blended by atomic lines and with no vis-
ible c ontinuum level . It is thus a somewhat questionable procedure. 
-100 
The approach has, however, been exploited by Schadee and Davis 
(19 68) , who could not find a unique isotopic solution for HRllOS , and 
Peery and Beebe (1970), who claim a conclusive solution for R Cyg (from 
spectra of considerably lower dispersion, however). In particular , 
Peery and Beebe find that Tn < TS in R Cyg, thus producing an over-
94 
abundance of Zr . While this latter work may in fact be correct, 
there is clearly also reason to ask for independent confirmation of 
the results. 
Thus one is lead to consideration of the second method of 
examining the branch at 93zr; namely, to observe the abundance of 93Nb 
93 in stars, well after all Zr has S-decayed . This method owes its 
utility to the facts that Nb has only one isotope, 93Nb, and that 
93 93 93 93 93 . 
an( Zr) << an( Nb). If TS( Zr) << Tn( Zr), Nb will reach an 
abundance consistent with an f(A) = a c93Nb) N( 93Nb) equilibrium; 
n 
the other hand, if TS>> Tn ' then 93zr will build-up to its own 
on 
equilibrium abundance , and subsequently decay to yield a 0N value at 
93Nb of f(A) = a (93zr) N( 93Nb ). Hence the difference in Nb abundance 
n 
93 93 between the two possibilities goes as a ( Nb)/a ( Zr). Allen et al. 
n n 
93 (1971) give a ( Nb , 30 keV) = 264 mb, and using their procedure for 
n 
estimating unknown cross sections (cf. their Figure 9), one may 
. ( 9 3 ) estimate a Zr, 30 keV ~ 90 mb . 
n 
The Nb abundance difference between 
the two cases is thus nearly a factor of three , and should be easily 
distinguishable. 
The strongest lines of Nb in stellar spectra are in the ultra-
violet, and are severely blended . It is therefore necessary to turn 
to the very weak NbI lines in the visible region to obtain abundances. 
Of the bright peculiar red giants, only the BaII-type stars both show 
an enhancement of the s-process elements in the vicinity of Zr, and 
are also hot enough to present a well-defined visible continuum. 
101 
Because no BaII-type star is known showing lines of Tc, it is probable 
that they represent a stage of evolution later than the other peculiar 
· · ( d l 93 ) . 1 d d giants, their Tc an 1ence Zr having comp etely ecaye . Hence 
three BaII stars have been chosen as the most suitable stars for a 
study of branching in stellar s-processes. 
The procedure adopted for this investigation has been to deter-
mine the abundance of Nb and the immediately preceding and following 
elements, Zr and Mo. These latter abundances should then give the s-
process curve in the region of Nb, to which the Nb abundance itself 
may be compared. 
5.4 OBSERVATIONS AND REDUCTIONS 
a) Stars Observed 
Following the considerations of the previous section, the three 
BaII-type stars HD83548, HD116713, and HD204075 (s Cap) have been 
chosen as having the required properties, as well as being bright 
enough for study with the available echelle equipment. 
Other studies of these stars include those by Warner (1965), 
Danziger (1965) , and Tech (1971), and although there is a certain 
amount of disagreement among the different results, the basic spectra-
scopic properties of the stars are clear. In particular, the s-process 
nature of the peculiar abundances seems certain. 
As standard stars, a Ind and a Boo have been examined. a Ind 
has a temperature similar to the BaII stars, and nearly normal 
absolute abundances (Warner 1965). The available lines of Nb, Zr, and 
Mo are quite weak in a Ind, however, and it has proven desirable to 
include higher quality standard data from another source. Measurements 
from Griffin ' s (1968) Arcturus atlas have therefore been used as fun-
damental standard data . 
b) Lines Observed 
As noted, because of blending problems observations of Nb in 
cool giants have had to be restricted to weak lines in the visible 
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region. To minimize variations of the mean curve of growth parameters 
with wavelength, and to make as few changes of the grating position as 
possible, nearby weak lines of Zr and Mo have also been obs erved. 
Similarly, because only lines of neutral Nb are readily available, 
only lines of ZrI and MoI have been considered. The lines finally 
chosen are listed in Table 5.7, along with their relevant atomic para-
meters. These lines represent those of each element thought most 
suitable for measurement, taking into account nearby stronger lines 
and the distance to the nearest continuum points. 
TABLE 5. 7 
DATA FOR THE CHOSEN LINES 
Line 
xexc 
(eV) I. P. ( eV) log gfA 
NbI A.5344.17 .35 6.88 1.98 
5350.74 .27 1.76 
5664.71 .14 1.17 
MoI A.5506.49 1.34 7.13 3.69 
5751.40 1.42 2.66 
5888.33 1.47 2.82 
6030.66 1.53 3.07 
ZrI A.5680.90 .54 6.84 2.05 
5735.70 .00 1.52 
6025.36 .15 1.05 
Note: 
xexc 
and log gfA from Corliss and 
Bozman (1962). 
To ensure that these identifications are correct, the correla-
tion of line intensity, as given in Moore (1959), with central line 
103 
depth in a Boo has been examined for all l ines of these species in the 
region A5000-6000 i . Figure 5.1 shows t he correlation for NbI and MoI . 
The scatter in the corresponding plot for ZrI is confusing and un-
enlightening; the reason for t his problem is unknown . Further con-
firmation of the identifications can be seen in Figure 5.2, where de-
saturated equivalent widths in e ach star are plotted versus log gfA -
X8 (with gf values from Corliss and Bozman 196 2; and 8 as derived 
exc exc 
b elow , taking 8 (sun) = 1.02) . The absolute strengths of the lines , 
exc 
and their self-consistency at dif feren t abundan ces, thus seem to en-
sure the correctness o f their identifications. 
c) Observational Material 
A number of 1.5 i/mm echelle plates per star of each region of 
interest has been secured on t wo clear and three partly clear nights 
in the summe r of 1971/2. Digitized direct intensity tracings of 
sections of each plate have then bee n made with the Obse rvatory 's 
Gottingen microphotometer and the writer 's digitizing unit (§2.4c). 
Suitably zero-corrected and normalized to an assigned continuum , 
these tracings have been averaged to give spe ctra with much improved 
signal-to-noise. Equivalent widths of the lines in the echelle data 
and in the Arcturus atlas have next been determined using the triangle 
approximation of Chapter III . Table 5.8 lists the result ing equiva-
lent widths, and the number of plates on which they are based. No 
reliable error estimates can be given for these data , not only 
because all spectra have been averaged before measurement , but also 
because the derived numbers depend sensitively on the adopted level 
of the continuum. 
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• 
NbI 
20 50 100 
MoI 
100 200 300 400 500 
Intensity 
Relation between laboratory intensity estimates and 
central depths in a Boo (in per cent of the continuum 
height) for NbI and MoI . Some of the lines lie above 
the mean relations, and hence are undoubtably blends. 
The lines measured in the BaII stars are plotted as 
crosses, and are clearly unblended. 
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Relations between desaturated equivalent widths and temperature corrected line 
strengths for the ZrI, NbI, and MoI lines . The consistency of these results to 
within the experimental errors is good evidence for the correctness of the line 
identi fications . 
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TABLE 5.8 
RAW EQUIVALENT WIDTHS (~} 
a Boo a Ind HD83548 HD116713 s Cap 
No . No . No . No . No. 
Line WA Plates WA Plates w A Plates WA Plates WA 
Plates 
NbI )..5344 20 - 4 3 8.5 5 62 7 16 6 
5350 19 - <11 5 9 5 40 7 12 6 
5664 6 - <5 5 8: 2 20.5 6 6 3 
MoI )..5506 59 - 29 3 47 4 91 6 66 6 
5751 8 - - - 7 : 4 32 6 12.5 4 
5888 15 - - - 15 3 65 5 21 6 
6030 26 - <10 3 19.5 4 71 6 20 6 
ZrI )..5680 14 - <10 5 9 2 49 6 12 3 
5735 29 - - - 34.5 4 70 6 - -
6025 12 - - - I - - 17 6 - -
Note: No entry for WA signifies substantial plate-to-plate disagreement 
TABLE 5.9 
DESATURATED EQUIVALENT WIDTHS (rnA), ENTRIES ARE (- log X) 
Line a Boo a Ind HD83548 HD116713 s Cap 
NbI A5344 5.43 6.13 5.80 4.74 5 . 52 
5350 5.45 5.77 5.05 5.65 
5664 5.97 5.84: 5.44 5.97 
MoI A55o6 4.80 5.26 4.96 4.35 4.70 
5751 5.86 5.91: 5.22 5.66 
5888 5.59 5.59 4.78 5.45 
6030 5.36 5.49 4.72 5.48 
ZrI A568o 5.61 5.80 4.94 5.69 
5735 5.28 5.17 4.68 
6025 5.70 5.55 
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The strengths of a nwnber of FeI lines have also been measured, 
to be employed in obtaining the stars' saturation curves and their 
iron-to-hydrogen ratios. These measurements are given in Appendix D, 
and the resulting curves of growth in Appendix E. 
Finally, in Table 5.9, the desaturated line strengths, obtained 
with the curves in Appendix E , are given. For most of the lines, the 
saturation correction is negligible. 
d) Temperatures 
The differential LTE theory in Chapter III should be adequate 
for the derivation of relative abundances in the present problem. In 
particular, use can be made of equation (3.1) to determine both the 
required relative ratios, and the iron-to-hydrogen ratios of the stars. 
To use this equation, however, estimates of the various temperature 
parameters are required. These have been made as follows . 
First, 8eff for each star is found from broad band photometry, 
preferably R-I, and Johnson's (1966) temperature calibration. Table 
5.10 gives the photometry adopted, its sources, and the resulting 
temperatures. 
TABLE 5 .10 
PHOTOMETRY AND EFFECTIVE TEMPERATURES 
Star 
a Boo 
Ct. Ind 
HD83548 
HD116713 
s Cap 
R-I J 
.65 
( 1. 05) 
.44 
.54 
.43 
Source 
1 
3 
1 
1 
2 
1.20 
1.05 
.98 
1.08 
.97 
Sources: 1) Westerlund, quoted by Danziger 
(1965) . 
2) Johnson et al . (1966) . 
3) Entry is B-V from Bright Star 
Catalog (Hoffleit 1964); Eggen 
(private comm. 1973) gives a 
single R-I observation, leading to 8 ~ 1.06. 
eff 
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AG I To find u 
exc 
(/:.i.6ion lS taken to equal !:.i.8eff) 1 recourse is made 
to the careful analysis of a Boo by the Griffins (1967). Table 5.11 
shows their results for various atomic species, comparing a Boo with 
the sun and with E Vir. Because E Vir is a giant of nearly the same 
temperature as a Ind and the three BaII stars, and because a Boo is 
used as a standard here, these temperature estimates should give a good 
idea of how much and in what direction 6.8e~c differs from !:.i.8eff in the 
program stars. The differential temperatures finally chosen are given 
AS I in Table 5.12, where NbI , ZrI, and MoI have been assumed to have u 
exc 
equal to that for TiI, VI, car, etc. 
TABLE 5.11 
DIFFERENTIAL TEMPERATURES FOR Ct BOO 
Stars f18 f18 I Spectra Compared eff exc 
Ct Boo to 0. 34 o. 36 NaI, All, car, TiI, VI, CrI 
Sun 0. 24 FeI, CoI, NiI 
o. 20 SiI 
o. 31 MnI 
Ct Boo to 0.18 0.16 NaI, A£I , car, TiI, VI, CrI 
E Vir 0.13 FeI, CoI, NiI 
0.13 SiI 
0.16 MnI 
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TABLE 5 .12 
DIFFERENTIAL TEMPERATURES FOR PROGRAM STARS 
Stars 6.8 68FeI 68NbI,etc Compared eff exc exc 
To a. Boo : 
HD 83548 -.22 -.16 -.19 
HD116713 -.12 -.08 - .11 
r; Cap -.23 -.17 -.20 
Cl Ind -.15 -.11 -.14 
To Cl Ind: 
HD 8354 8 -.07 -.05 -.05 
HD116713 +.02 +.02 +.02 
r; Cap -.08 -.05 -.06 
e) Abundances 
The tempe rature parameters in Table 5.12 and the curves of growth 
in Appendix E, used in equation (3.1), yield the iron abundances in 
Table 5.13. Here for a. Boo i s from the Griffins' analysis . 
Star vs. 
a Boo 
HD 83548 
HD116713 
r; Cap 
a. Ind 
Star vs. 
HD 83548 
HD116713 
Z: Cap 
TABLE 5.13 
FINAL DI FFERENTIAL ABUNDANCE RATIOS 
+.4 
+.65 
+.35 
+.2 
Cl Ind 
+.2 
+.45 
+ .2 
[Zr] 
Fe 
+.77 
+.58 
+.95 
+.64 
+.65 
+l.00 
+.01 
+.57 
+ . 82 
+.91 
Note: Have taken [Fe ] = -.20 for a. Ind - Sun; H 
and [Fe] = -.40 for a Boo - Sun. H 
+.74 
+.64 
+l.00 
+.11 
+ . so 
+.44 
+.69 
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These data may next be employed to find the ratios of the s-
process elements to iron in the stars. The line strengths in Table 5.9, 
the temperatures in Table 5.12, and a modified version of equation (3.1), 
[E£] = [~£] - [Fe ] - [8 ] - (IE£ - 7 )~8 
Fe H eff · 5 eff 
+ E£ ~8 I X exc 
result in the relative abundance ratios given in Table 5.13. 
Because errors of at least +O.l dex are to be expected, these 
ratios are all consistent with their being equal in a given star. The 
results relative to a Boo and a Ind, however, differ somewhat. If 
a Ind is taken to have [F:] = 0.0, slightly better agreement is obtained. 
The temperature of a Ind is not well determined, and the data for a Boo 
are far superior to that for a Ind, so the results using a Boo as stan-
dard are to be preferred. 
f) Stellar aN Correlation 
To convert these abundance ratios into a form meaningful as 
regards s-process theory, the following quantity is calculated : 
<ON>*= (y-l)N ° f 0 (A)/N° 
tot s 
where <ON>* is the average nuclidic abundance, cross section product 
for the newly synthesized material; y is the factor by which an ele-
ment is overabundant relative to Fe in the star (Table 5.13, data 
relative to a Boo); 0 0 N and N are the total solar system elemental 
tot s 
abundance and its s-process component, respectively; 0 and f (A) = 
0 
<aN> , the average solar system nuclidic s-process abundance, 30 keV 
Maxwellian averaged neutron capture cross section product . The values 
of these various parameters are taken from Seeger et al. (1965) , and are 
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given in Table 5.14. As discussed in §S.2, N°(93Nb) is uncertain, but 
s 
0 0 93 . 93 93 
of course f (A)/N for Nb must equal either cr ( Zr) or cr ( Nb ). 
s n n 
This procedure effectively normalizes the stellar abundance of Fe to 
6 its solar value, on the scale of Si= 10. 
HD83548: 
HD116713: 
l:; Cap: 
TABLE 5 .14 
STELLAR crN CORRELATION 
N 
tot 
0 
N 
s 
Zr 16.0 13.8 80 
Nb 1.0 0 0 f (A)/N =90,264 
s 
Mo 2.5 1.2 so 
(y-1) <crN>* 
Zr 4.9 450 
Nb 3.4 310,900 
Mo 4.5 470 
Zr 2.8 260 
Nb 3.5 315,920 
Mo 3.4 350 
Zr 7.9 730 
Nb 9.0 810,2380 
Mo 9.0 940 
<crN>* is a quantity that should vary smoothly from nuclide to 
nuclide, according to s-process theory. It is clear from the results 
in Table 5.14 that the cross section that fulfills this requirement 
93 in the present case is that due to Zr. Thus the stellar s-process 
92 93 path in all of these stars has gone from Zr to Zr, and on to 
94 95 Zr and Zr before S-decaying . 
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5.5 DISCUSSION AND SUMMARY 
An examination of three peculiar red giants has shown that the 
s-process branching point at 93zr is characterized by Tn < TS in such 
stars. No direct estimate of the s-process temperature is possible 
from these simple observations, but comparison with solar systems-
process branching data can be made, to check if the two processes may 
be different. Unfortunately, a~alysis of the solar system build-up 
curve is complicated by contamination from the p- and r-processes, 
and no definitive results for that curve have as yet been forthcoming. 
It has been suggested that the most straightforward way of improving 
the situation is to measure the neutron capture cross sections of the 
isotopes of Kr. 
The present data also provide important constraints on s-
process model calculations, such as undertaken by Sanders (1967) and 
Peters (1968). It should be noted, however, that the observational 
information refers only to the environment of the bulk of the synthesized 
material during the last few half-lives of processing. Hence compari-
sons with model calculations require more than simply integrated values 
of the various parameters, as are given by these authors. It does seem 
probable, however, that Sanders' therma l relaxation cycle model, 
because it produces large numbers of neutrons each cycle (of -1 year 
duration), would predict T 
n 
93 
< TS at Zr. On the other hand, large 
neutron fluxes may render a model inconsistent with the solar system 
85 163 branches at Kr and Dy, if the analyses given here are correct. 
It is therefore clear that realistic s-process models are severely 
constrained by such considerations , and that future models should 
include branching point checks on their results. 
..... 
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APPENDIX A 
Given below are raw equivalent widths with standard errors , 
for FeI and FeII lines in the stars discussed in Chapter III. 
EQUIVALENT WIDTHS FOR FeI AND FeII LINES CmR) 
FeI FeI FeII FeII FeII 
Star >. 4137.01 4136. 53 4129 .46 41 26.86 4126.19 4125.89 4124.49 4122. 52 4120 .21 4116.96 4il4.94 4114.45 4112 . 32 4108.13 4128.74 4124.79 4122.67 
B Hyi 118± - 78± - 59±2.4 30±0. 7 101±1.5 67±0.J 25±0.4 84±2.0 77 ±1. 0 JS± - 58± - 87± - 64± - 33± - 54±1. 0 39±2.3 69±0.9 
T Ceti 107±4. 7 76 ±4.9 4 7.:!: 3 . 2 JJ± 2 . 9 104 ±2 .4 64±2 . 1 22± 1.1 78±3.8 80±4 . 9 21±2 . 3 58±1. 8 91±3 . 5 64 ±3 . 2 37±2 . 8 34 ±2 . 2 20±0.6 54±1. 5 
K Ceti 118±4. 5 85±2.6 69±2.6 47± 2 . 2 121±2 .7 85±2 .l 38±2.5 96±1. 9 107±4.5 46 ±4 .7 67±4 . 8 110±9 . l 79±4.3 - - 53±5 . 0 42±3.8 72±3.0 
l; ' Ret 110±5.2 71±6.1 63±4.3 40±4 . 0 112±8 .0 70±1.1 26±0.8 81±2 . 5 87±3 . 7 37±2 . 8 66±2 . 0 97±2 . 7 56±4 . 8 43±3 . 9 48± 3 .1 29±1. 9 58±3.7 
e Eri - - - - 39±7.5 42: - 106± - 70 .:!: - 31.:!: - 83± 3. 7 94±6.9 40±3 .2 63±4.6 102±6.4 66±1.9 - - 34.:!: 2 . 5 22 - 51 
10 Tau 110±2. 5 71±2.0 55±1.0 34 ±7.0 108±6 .0 65±6 .5 30±0.5 87±6.5 93±17 41 ±0 . 0 62±9.0 101±12 69±9 . 5 - - 68±5 . 0 50±1. 5 80±6.0 
6 Eri 149±3 .2 126±1.2 111±5.0 77 ±14 153±16 104±3. 5 73±0 .0 106±2 . 0 129 .:!:0 .5 77 - 75 - 142 - 123 - 118 - 52 ±6.7 45±2 . 5 72±7.0 
o2 Eri 125.:!: - 104.:!: - 69± - 70: - 135: - 84± - 42 ± - 88 - 107 - 42 - 69 - 121 - 76 - 85: - 48 - 24 - 59 
a CMi - - - - 42 .:!: 4.4 18±2 .4 85.:!:5 .6 59±2 . 5 16±3 .0 94±2.3 87.!:5 . 2 24 ±0 .5 58.:!:6 . 3 87:!.4 . 4 43±1. 2 32±12 85.:!:6 . 2 57±2 .8 103±2 .5 
HR 2998 105±6.0 82± 1. 5 81±7 . 0 56 ±6 . 7 109±6 .7 89±1. 3 48±6.l 106±6 .5 97±11 50.:!:4 . 5 74±3 . 5 110±7. 0 85± 3. 5 57 - 56:!.0. 3 44±6 .1 81±4 . 5 
HR 3018 - - - - 24.:!: 1. 1 14±3 . 0 68±3 . 8 39:!.3 . 2 16±2 . 3 58±3 . 0 59.:!:0. 7 12±1. 0 32±1. 8 68±2 . 8 32±4 . 0 17 28±1. 8 14 .:!: l.O 37±2.1 
HR 3578 - - - - 21± 1. 5 12±1. 7 66±2 . 9 40.!:4,8 12±2.9 64±3.2 57±6.5 - - - - - - - - - - 38±4.0 19±3.2 48 
HR 4134 86±5 . 0 50±3 .5 36: - 17± 3 . 0 80±4 .0 43±3. 0 14±4 .5 - - 79±4 . 0 21 : - 52±4.5 81± 11 43±2 . 0 24 - 62±4.5 42±3 . 5 
HR 4523 - - - - 53.:!:2. 7 37± 3 . 3 98±7 .2 64±4 . 3 25 ±2 .2 77±1. 7 81±6.9 30±6 . 0 56±2 .5 94±0 .5 56±6 .5 38±3 .0 47±2.9 26±6 . 9 51 ±0.9 
B Vir 105±4.1 75±3.4 59±4 . 2 38±5.5 102±3.2 69±4.5 35±1. 5 98±2.5 88 .:!: 8 . 5 37±6 . 5 63±1.0 99 ±1.0 66±7 .0 46±6.5 62±2 .1 51 ±5.7 96±11 
HR 4587 152±4.5 131±3.0 108±2.5 60±1 .2 146± 5.8 94±4 . 4 47±2 .3 103±1. 0 106.:!: 3 . 0 - - 80 : - 118: - - - - - 53 ±1. 0 27±1 .2 70: -
HD114762 - - - - 22 ±5.0 17±1. 2 72 .!:4 . 2 35 ±1. 2 12: - 69 ±5.8 74±2 . 6 24±11 52 ±0 .5 90±2.0 40±8 .0 13 - 36±4 .4 21 ±1 . 2 53: -
HD1155 77 - - - - 93± 7. 9 54±4 .6 120±5.1 94±4.4 55.:!:4. 7 124±4.7 109±4. 3 60±5 . 0 70±3 . 6 110±4.7 104± 11 94±1. 5 54±5 .2 55 ±6 . 3 82±7.7 
C1 Cen 108 - 70 - 72 - 40 - 116 - 61 - 36 - 92 - 87 - 44 - 65 - 108 - 69 - 53 - 53±2.1 34 - 68 
~ Boo A - - - - 58±3 . 7 47 ±6 .1 115±4 .9 84±4. 7 32 ±4.4 96: - 84 - - - - - - - - - - - 38±2 . 5 34±1. 4 70: -
5 Ser - - - - 68±8.2 40±6 .4 112±5. 3 77±4. 7 33±4.6 97 ±3 . 5 97 ±1. 5 29 ±3 . 8 66±3.0 92 ±3 .o 57±4.7 29±2 .1 89±5 .4 64±4.4 95±1.2 
v 2 Lup - - - - 46±4 . 2 38±5 .0 98±4.3 69±5 . 2 18±0 .9 - - - - - - - - - - - - - - 48±4 .1 21±0.5 
'( Ser 93 - 59 - 32 ± 2 . 5 24 ±7 .0 94± 2 . 0 45±7.0 18±0.5 83±9.0 79 ±6 . 5 30 - 51 - 99 - 45 - - - 50±7 . 5 38±1.5 69±12 
HD148816 - - - - 21 ±5 .7 17± 3 . 2 67±2 . 5 46± 2 .1 8: - 69 ±2 . 7 69±3 .0 19 - 45 ±1. 5 67±1.0 29±1.0 - - 31 ±3 . 2 16±2.4 51±3 .5 
36 OphAB - - - - 69±2 .3 46±1 .l 127±6.4 88±2 .8 30±2.9 105 - - - - - - - - - - - - - 32 ±1. 5 14±1. 8 65 
HD157466 - - - - 27±2.2 14±6 .0 76±2.4 53.:!:5 . 4 15± 3. 0 81 - 72 ±2. 9 16±1. 5 54 ±1. 4 82 ±3 . 1 39 ±4. 7 28 - 45 ±0 .8 29± 2.3 53: -
70 Oph A - - - - 77± 3. 2 47 ±2 .5 141±4.8 95±4. 7 39 ±3 . 6 - - 86 - - - - - - - - - - - 30±2 .3 19± 3. 0 
HD1743 23 - - - - 114±1.0 88±8.0 150±3.5 126±2.5 80±4 .5 100±4 .o 101 ±1. 0 - - - - - - - - - - 50±12 57±2.5 102: -
HD1 80928 - - - - 104 ±1. 5 89 ±5 .o 146±9 . 0 120 ±3.0 62 ±3 .0 107: - 120 - - - - - - - - - - - 47 ±3.0 58±5.5 llO: -
31 Aql 143±15 122±12 105±2.0 76±0.5 144: - 111 ±2 .0 69 ±4 . 8 102±2.7 120±1. 5 74 ±6. 9 81±1. 9 122±4.0 110±8.5 94: - 64 ±3 .0 54 ±4.3 79±1. 9 
RD183877 110 
-
89 
-
54 ±3 . 6 34 ±4 .5 91 ±4 . 3 74 ±4 . 7 20±2 .1 87±10 89 ±7 . 3 38 ±6 . 5 72±1. 5 99±10 54 ±1. 5 57: - 46±4.4 24.:3 . 7 50±8 .5 
'( Pav 74±0.7 38 ±6. 7 19 ±2 . 0 10±0. 5 59±3 . 0 33 .!: 5.0 11± 1. 1 53 ±1. 9 54 ±1. 0 ll .:!:3.6 28 ±5. 0 63 - 32±17 14±2.8 34 ±1. 5 15±2 .9 46±4 .5 
V Indi 68±2.9 35±5.5 19±2.6 9±0.4 55±4 .0 32 ±2 .2 10± 1. 4 51±2 . 4 59 ±1. 4 13±1. 5 26 ±2. 7 57±5 . 0 - - - - 28 .:!:2 . 0 13±2 . 0 32 ±0 .5 
HD215257 - - - - 27±1. 7 18 - 71±0. 9 44 ±4.4 18±0. 0 68 ±1.0 58±10 35: - 33: - 72 - 44: - - - 41±3.2 25±1.0 50±0 .5 
SKY 105±7.2 72±6 . 4 63±2.9 36±1. 5 95±3.5 66±2.5 30±4 . 0 77 ±0.0 85 ±1. 5 37 - 59 - 93 - 58 - 29 - 49±4.0 31 ±1. 5 54±1.0 
SKY(A.S.) 120±3.3 89±5 . 0 56±2.8 33 ±4 .9 95 ±2 . 5 67±4.3 26±1. 2 89 ±3 . 5 83: - - - - - - - - - - - 48±3 . 2 31±1. 5 55±0 .5 
APPENDIX B 
Given in this appendix are saturation curves for the stars in 
Chapte r III. First , however, a table of weak-line strengths is given , 
for the line measurements in Appendix A. These desaturated line 
strengths have b een derived by p lotting solar weak-line strengths, from 
Utrecht catalog equivalent widths (Moore et al. 1967) and the Cov,ley 
and Cowley (1964) solar curve of growth, against the stellar measure-
ments. Then a b est- fit curve has been drawn , and new weak- line 
strengths read off the abscissa. This procedure gives weak-line 
strengths normalized to solar abundances, and wh en enough lines are 
averaged , should give line strengths free from random errors . The 
table, then, gives this data for the 13 s tars with the best data and 
the sky measurements. The "standard errors" of the averages are seen 
to be small enough that systematic errors, caused by the curve of 
growth's non-linearity, should be small. 
The small and large dots on the saturation c urve graphs re-
present lines of FeI and FeII, respectively . No terrperature correc-
tions to the weak line strengths (abcissa ) have been made in these 
plots . 
FeI WEAK-LINE STRENGTHS 
X \) y HR 10 a HR HD SKY HD K 'T s' a s Ave±a Line SKY {eV) Ind Pav 3018 Tau CMi 2998 102365 AS 183877 Ceti Ceti Ret Cen Vir 
A4124.49 3.64 52: 51: 42 63: 37 29: 43 38 32 22: 33 31 31 39 43 39±2.7 
4116.96 3.23 68: 51: 58 : 42 62 34 47 49: - 55 46 30 53 55 47 50±2.7 
4126.86 2.84 48: 47: 56 49: 45 : 48 60 68 46 47 48 55 60 47 50 52±1.7 
4108.13 3.24 - 65 40 60 - 72: 63: 71 - - - 65 68 77 70 65±3 .2 
4129 . 46 3.40 105 94 170 92 106 113 165 129 118 105 117 100 155 167 114 123±7.0 
4112.32 3.40 - 1 85 135 : 140 190: 118 - 145 - 107 175 200 118 152 155 152±8.8 
4114.94 3 . 37 150 150 140: 140 143 205 130 145 - 227 104 153 163 129 138 1 51±8 .2 
4136.53 3.37 245 242 245 230 210 - 173 - 460: 460: 240 330 213 162 225 264±27 
4125.89 2.84 210 200 195 190 160 210 240 205 185 240 230 200 208 103 277 203±10 
4122 . 52 2.84 460 440 300: 400 400 950 530 350 460 420 360 360 320 415 600 451±40 
4120 . 21 2.99 630 465 410 430 540 720 350 410 355: 460 630 383 415 320 400 461±30 .2 
114.45 2.83 585 660 600 : 600 760 710 710 730 - 750 710 615 650 850 630 682±20 
4137 . 01 3.41 920 1100 1000 - 1300 - 540 - 2000: 1600 1000 1400 1600 900 900 1188±117 
4126.19 3.33 - 600 650 650 1130 650 650 900 610 500 1130 1300 1600 1300 740 870±87 
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APPENDIX C 
Presented here are some additional heavy element abundances 
for several metal - p oor stars. The lines used are weak , and errors 
of as much as +0 .2 dex are possible. Thus although, in agreement 
with the Eu/Ba results in Chapter III, Nd and Gd are found to be 
slightly enhanced in HR 3018 compared toy Pav, and Ce and Y not, 
the reliability of the results at this level is questionable . 
Line 
NdII 
A4133.36 
GdII 
A4130.37 
CeII 
A4127.38 
YII 
A4124.92 
CeII 
A4120.84 
CeII 
A4118.15 
NdII 
A4109.45 
FeII 
A4128.74 
f>.S I I 
exc 
[x ] Fe 
X (eV) 
0.32 
0.67 
0.68 
0.41 
0.32 
o. 70 
0.32 
2.58 
SOME ADDITIONAL RARE EARTH ABUNDANCES 
HR3018 
WA [El/Fe] 
Desat. #Plates 
10±1.4 .25 
10 5 
9±1.0 .22 
9 5 
9±1.0 .06 
9 5 
11±0.9 .08 
11 5 
5±1.0 -.13 
5 3 
10±5.5 -.18 
10 2 
32±5.1 
42 
28±2.0 
32 
.17 
2 
+.065 
+.01 
5 
y Pav 
w A [El/Fe] 
Desat. #Plates 
6±1.5 
6 
4±1.5 
4 
5±1 .1 
5 
8±2.0 
8 
7±2 .0 
7 
. 04 
4 
-.13 
4 
-.20 
4 
-. OS 
3 
.03 
2 
9±1.0 -.23 
9 2 
23±3.5 
26 
34±1.5 
43 
-.02 
2 
+.01 
+.03 
4 
V Indi 
WA [El/Fe] 
Desat . #Plates 
8±1.8 
8 
9±1.0 
9 
12±0.7 
12 
11±3. 0 
11 
10±0.5 
10 
7±1.2 
7 
28±2. 0 
29.5 
.06 
3 
.15 
3 
.12 
3 
.00 
3 
.08 
3 
-. 40 
3 
+.12 
+.01 
5 
SKY 
WA [El/Fe] 
Desat . #Plates 
14±2.5 .13 
14 3 
12±1.4 .06 
12 3 
10±3.0 -.18 
10 2 
17±5 . 5 . 00 
17 2 
11±0.5 ,-.QS 
11 2 
19 
19 
39 
5.5 
49±4 .0 
80 
.oo 
.00 
-.19 
1 
.03 
1 
6 
Utrecht 
WA 
Desat . 
11 
11 
11 
11 
16 
16 
18 
18 
13 
13 
27 
31 
39 
55 
so 
85 
Note: Equivalent widths are inn£; [E1 ]•s are relative to the Utrecht measurements, and are 
calculated with equation (3.3) _Fe 
APPENDIX D 
Given here are measurements of FeI lines in a Ind and the 
three BaII-type stars discussed in Chapter V. Also given are the 
excitation potentials, and desaturated solar line strengths , ob-
tained by applying Utrecht cata log (Moore et al. 1967) equivalent 
widths to the Cowley and Cowley (1964) solar curve of growth, for 
the lines. 
FeI LINE STRENGTHS 
a Ind HD83548 HD116713 
Fer Line X(eV) -log W/A 
-log W/A -log W/ A -log 0 X 
)..5686.54 4.55 4.87 4.73 4.68 4.66 
80.25 4.19 5.10 5.19 5.24: 5.75 
79.03 4.65 4.45 4.82 4.85 4.83 
78.61 2.42 5.64: 5.54 5.44: 6.21 
78.39 3.88 5.32: 5.50 5.71: 6.06 
77.70 4.10 5.20 5.45 5.58 5.94 
67.52 4.- 4.20 4.78 4.73 4.96 
62.52 4.18 4.00 4.64 4.67 4.39 
61.35 4.28 4.94 5.05 4.94 5.47 
60.81 3.64 4.81 5.05 4.98 5.55 
55.50 4.5- 4.20 4.78 4.85 4.81 
55.18 5.06 4.53 4.87 4.93 4.94 
53.87 4. 39 4.66 4.93 5.01 5.15 
52.33 4.26 4.86 5.08 5.06 5.36 
52.03 4.22 5.91: 5.58 5.55 6.35 
51.48 4.47 5.03 5.16 5.14 5.55 
50.69 5.08 4.74 4.96 4.91 5.18 
5649.99 5.10 4.78 4.98 4.92 5.19 
FeI LINE STREN GTHS 
a Ind s Cap 
FeI Line X(eV) -log W/A -log W/A -log 0 X 
;\5308 . 69 4.26 5.08 5. 42 5.85 
07.37 1.61 · 4.50 4.76 4.38 
5302.31 3.28 4.45 4. 59 3.41 
5295.32 4.41 4.83 5.10 5.27 
94.55 3.64 5.09 5.13 5.61 
93.96 4.14 4.88 4. 96 5.23 
92.59 4.- 4.91 4.79 5.10 
88.53 3.69 4.75 4.82 4.81 
85.13 4.43 4.90 5.14 5.32 
84.64 4.19 4.94 5.13 5.40 
81.16 4.58 5.25: 5.44 6.12 
5280.93 2.61 5.72: 6.55 
5434.53 1.01 4.35 3.22 
32.96 4.44 4.68 4.62 
22.16 4.32 5.47 5.76 
21.84 4.55 5.32 5.59 
17.04 4.41 4.94 5.10 
15.21 4.39 4.42 3.04 
12.79 4.43 5.03 5.45 
10.92 4.47 4.47 3.36 
06.78 4.37 4.96 5.09 
06.34 4.07 5.36 5.78 
05.36 4.39 4.91 5.00 
5403.83 4.07 4.68 4.76 
APPENDIX E 
Temperature corrected saturation curves for a Ind and the BaII 
stars analyzed in Chapter V are given here. Weak line strengths are 
from Appendix D, and temperature corrections have been applied so that 
0 FeI . FeI log X* = log X - X 68 , with 68 = 0.08, 0.15, 0.08, and 0.13 for 
exc exc 
HD 83548, HD 116713,, Cap, and a Ind, respectively. 
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